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accretion of satellite galaxies evidenced in the Galactic halo
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Fig. 3.— Sky distribution of tentative Gaia-Enceladus members from a Gaia subsample

of stars with full phase-space information. These stars have $ > 0.1 mas, relative parallax

error of 20%, and are colour-coded by their distance from the Sun (from near in dark red to far in

light yellow). They satisfy the condition �1500 < Lz < 150 kpc km/s. Because of the larger volume

explored, we do not include additional selection criteria based on energy, as done for Fig. 2 (since

energy depends on the Galactic potential whose spatial variation across the volume explored is less

well-constrained than its local value), nor on velocity as for Fig. 1a (because of spatial gradients).

We thus expect some amount of contamination by thick disk stars, especially towards the inner

Galaxy (see Methods). The starry symbols are Gaia RR Lyrae stars potentially associated to this

structure. To identify these, we bin the sky in 128⇥128 elements, and log$ in bins of 0.2 width

(mimicking the relative parallax error), and measure the average proper motion of Gaia-Enceladus

stars in each 3D bin. We then require that the RR Lyrae have the same proper motion (within 25

km/s in each component at their distance), which for example corresponds to 1 mas/yr for those

with $ ⇠ 0.2 mas. Globular clusters with Lz < 250 kpc km/s, located between 5 and 15 kpc from

the Sun, and 40o away from the Galactic centre, are indicated with solid circles.

whole sky, this subset being more than 90% complete. More distant stars are preferentially

found in specific regions of the sky, and although for such small Gaia parallaxes ($ =

0.1�0.25 mas) the zero-point o↵set (⇠ �0.03 mas) is significant and this a↵ects the selection

in Lz, it does not to the extent that it can produce the observed asymmetry on the sky. At

least in part this asymmetry is due to the 20% relative parallax error cut, as highlighted

in Fig. 4 (see Methods for more details and also for possible links to known overdensities).

In Figure 3 we have also overplotted (with starry symbols) a subset of 200 Gaia RR Lyrae

stars.26 These have proper motions similar to the mean of the candidate Gaia-Enceladus

stars with full phase-space information, at their sky position and parallax. Thirteen globular

Helmi+ 2018
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Figure 11
α-elements, (a) Mg and (b) Ca, in four nearby dwarf spheroidal galaxies: Sgr (orange: McWilliam &
Smecker-Hane 2005, Monaco et al. 2005, Sbordone et al. 2007), Fnx (blue: Shetrone et al. 2003, Letarte
2007), Scl ( green: V. Hill & DART, in preparation, Shetrone et al. 2003, Geisler et al. 2005), and Carina
( purple: Shetrone et al. 2003, Koch et al. 2008a). Open symbols refer to single-slit spectroscopy
measurements, whereas filled circles refer to multiobject spectroscopy. A representative error-bar for the
latter is shown on the left-hand side of the picture. The small gray squares are a compilation of the Milky
Way disk and halo star abundances, from Venn et al. (2004a).

In other dSphs, the knee is not well defined owing to a lack of data, but limits can be established.
The Sgr dSph has enhanced [α/Fe] up to [Fe/H] ≈ −1.0, which is significantly more metal rich
than the position of the knee in the Scl dSph. This is consistent with what we know of the SFH
of Sgr, which has steadily formed stars over a period of 8–10 Gyears and only stopped forming
stars about 2–3 Gyears ago (e.g., Dolphin 2002). The Carina dSph has had an unusually complex
SFH, with at least three separate bursts of star formation (Hurley-Keller, Mateo & Nemec 1998;
see Figure 4). The abundance measurements in Carina are presently too scarce to have any hope
to confidently detect these episodes in the chemical enrichment pattern (e.g., Tolstoy et al. 2003).
It appears to possess [α/Fe]-poor stars between [Fe/H] = −1.7 and −2.0, which suggests that
the knee occurs at lower [Fe/H] than in Scl. It seems that Carina has had the least amount of
chemical evolution before the onset of SNe Ia of all galaxies in Figure 11. In the Fnx dSph,
another galaxy with a complex SFH, the sample does not include a sufficient number of metal-
poor stars to determine even an approximate position of the knee. There are abundances for only
five stars below [Fe/H] = −1.2, and only one below [Fe/H] = −1.5. The knee is constrained to
be below [Fe/H] < −1.5. From this (small) sample of dSph galaxies, it appears that the position
of the knee correlates with the total luminosity of the galaxy, and the mean metallicity of the
galaxy. This suggests that the presently most luminous galaxies are those that must have formed
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supernovae vs. NS mergers

rarity

A few or no NS Merger events in such a 
galaxy are predicted.[Fe/H]

[r
-p

ro
ce

ss
/H

]

time

NS merger track I

supernova track

For instance, a dwarf galaxy with 105 M¤

~500 CCSNe in total

Note! the Milky way experiences more than 2�105 NS mergers.

Why dwarf galaxies?

NS merger track II



faint (small-mass) dwarf galaxies

r-process production events did not happen 
while numerous CCSNe explode and increase Fe in the ISM. 

M* < a few 104 M¤M* ~ a few105 – 106 M¤

([Fe/H]=log (Fe/H)* -
log (Fe/H)¤)

ultra faintclassical

(Ret II is excluded)

(TT
&

Shigeyem
a

2014)
The rarity of r-process event is identified

Such a rarity supports NS mergers as the site of r-process elements 

a broadly constant r-process abundance with increasing [Fe/H]

stellar mass: 



“r-process galaxy”
Jiet al. 2016

identify a rare event and a high r-process yield

stellar mass of
~2400M¤

a jump by more
than two orders of 
r-process abundance 

no counterparts in other UFDs a big abundance jump

ultra faint dwarf galaxy  Reticulum II
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Figure 7: Magnesium (top) and europium (middle and bottom) abundance evolutions of the Milky
Way. Here, the minimum delay time of SNe Ia is set to be 40 (dashed), 400 (solid), and 1000 Myr
(short dashed curve). The minimum delay time of neutron star mergers is chosen to be 20 Myr and
their delay time distribution is set to be / t

�1 (middle) and / t
�1.5 (bottom). The star formation

history is assumed to follow the cosmic star formation history (left) and to be a constant with
time (right). Also shown are the observed data of the magnesium and europium abundances of
metal poor stars as blue points from SAGA database (Suda et al., 2008).
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(Hotokezaka+ 2018)
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Extended Data Figure 9: Galactic chemical evolution. Comparison of model predictions with
observational data for magnesium and europium abundances from the SAGA database142 and eu-
ropium abundances of galactic disk stars134. Model predictions are shown for different minimum
delay times of Supernovae Type Ia with respect to star formation. a, Comparison for magnesium
as a representative ↵-element. b, comparison for europium as an r-process tracer assuming both
neutron star mergers and collapsars contribute to galactic r-process nucleosynthesis. Note that the
decreasing trend of [Eu/Fe] at high metallicity can be obtained. c, comparison as in b, but assum-
ing that only neutron star mergers contribute to galactic r-process nucleosynthesis, showing that
merger-only models cannot explain the [Eu/Fe] trend of stars in the galactic disk.
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(Siegel+ 2018)

r-process enrichment in the Galaxy
The prediction by NS mergers is not compatible with the observed feature

of Galactic disk

Short GRB rate = NS merger rate

delay time distribution (DTD) of NSM 

≈ DTD of sGRB ∝ t-1

Faster enrichment than the expectation from
∝ t-1 seems to be required such as a large 
contribution (~80%!) from collapsars (Siegel+2018).



However, the Galactic disk is a kind of messy component.
�a mixture of two components, i.e., thick disk and thin disk  

Two disks experienced completely different 
star formation histories.

�Some fraction of nearby disk stars is not formed in-situ but 
migrate from the disk at different Galactocentric distances.  

Chemical evolution of the disk differs according to the 
distance form the Galactic center. 

On the other hand, the Galactic bulge is a simple component. 

�a single component
�no contaminants from outside
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(TT & Baba, submitted)

Study of the Galactic bulge 
confirms that r-process 
enrichment with DTD∝ t-1
is not consistent with the
observations.

Faster enrichment such as 
the form of DTD∝ t-1.5 is 
required.t-1

t-1.5

10-30Myr
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FIG. 4.ÈBinding energy (solid line) and explosion energy (circles) vs.
mass of the progenitor. This binding energy includes all but the inner 3M

_core of the star. If the explosion energy is less than the binding energy, the
compact remnant will exceed 3 and collapse to form a black hole. TheM

_explosion energy drops and the binding energy rises with increasing pro-
genitor mass ; their net e†ect is to create a fairly narrow range of uncer-
tainty in the transition mass from neutron star formation and black hole
formation from fallback. For reference, SN 1987A is placed (square).

getic explosions. Although the increased e†ective mass
using general relativistic gravity leads to a faster (by 10 ms)
bounce, the lower heating rate (due to both the time dilation
and the redshift of the neutrinos) leads to weaker convec-
tion and a later explosion.

The di†erences in the ram pressure for di†erent progeni-
tors also explain the varying results for the massive progeni-
tors. For the 15 model, the mass infall rate (Fig. 1), andM

_hence ram pressure, is 5 times lower at just 100 ms past
bounce. It is not surprising, then, that the 15 modelM

_explodes much faster than its more massive counterparts.
Figure 3 shows the evolution of the 15 and 25 modelsM

_with time (in the standard models). The convective layer in
the 15 model quickly overcomes the ram pressure andM

_launches an explosion 140 ms past bounce. The 25 M
_model takes nearly 100 ms longer to explode. Since the

infall rate of the 25 and 40 progenitors do not di†erM
_signiÐcantly until 300 ms past bounce, it is not surprising

that these simulations give similar answers. However, the 40
model teeters on the edge of direct collapse (loweringM

_the neutrino energy produces no explosion, and at the end
of the simulation the accretion shock radius is decreasing).
For our simulations, the 40 progenitor roughly marksM

_the dividing line between supernova explosion and direct
collapse.

But what about the lower progenitor mass limit for black
hole formation due to fallback? The explosion energy in
Table 1 does not include the binding energy of the ejected
material, and this binding energy must be overcome to drive
an explosion. We can roughly estimate the fallback by
assuming that only the outer layers with total binding
energy less than the explosion energy are actually ejected
(Table 1). From the models of Woosley & Weaver (1995),
we can calculate the energy required to eject all but the

inner 3 core (Fig. 4). If the explosion energy is less thanM
_this amount, the compact remnant will accrete beyond 3

and will collapse to a black hole. Note that our explo-M
_sion energies decrease with increasing progenitor mass,

whereas the binding energy of the star increases with
increasing mass. These two e†ects limit the ““ neutron starÈ
fallback black hole ÏÏ transition mass to a narrow range
(18È25 M

_
).

However, one must be careful about the deÐnitions of
these energies. The explosion energy given here is computed
by calculating the di†erence (before and after the explosion)
between the sum of kinetic and internal potential energies of
the material beyond the core mass. As a lower limit, this
energy must overcome the binding energy of the star to
avoid the formation of a black hole. In fact, it must be
greater to actually produce an energetic supernova. In prac-
tice, some of the energy from our simulations goes into the
kinetic energy of the explosion of Woosley & Weaver(KE=1995), and the amount of fallback predicted in Table 1 is a
lower limit. Note that especially in observational papers,
the term ““ explosion ÏÏ energy is used to mean ToKE=.
extract from the explosion energies given in Table 1,KE=one must subtract the binding energy of the material that is
ejected.

For example, the mass of the progenitor of SN 1987A is
thought to be D20 and yet its energy at inÐnity wasM

_
,

roughly 1051 ergs (Woosley 1988), which corresponds to
over 2 ] 1051 ergs of core-collapse explosion energy (Table
1). Recently, a number of supernovae with low nickel ejecta
have been discovered : SN 1997D (Turatto et al. 1998) and
SN 1994D (Sollerman, Cumming, & Lundqvist 1998).
Turatto et al. (1998) were able to match the spectra and
light curves of 1997D with a 26 progenitor and a lowM

_ergs explosion. However, to eject all butKE= \ 0.4 ] 1051
the inner D2.1 with an energy at inÐnity of 0.4 ] 1051M

_ergs requires roughly 1.4 ] 1051 ergs of explosion energy,
twice the value for our 25 model (Table 1). Clearly, theM

_details of the core-collapse model must be understood
better.

4. IMPLICATIONS AND UNCERTAINTIES

Core-collapse simulations can now place rough limits on
black hole formation : stars more massive than D25 M

_will eventually collapse to form a black hole, and those
more massive than 40 will not produce a supernovaM

_explosion. Assuming a Scalo (1986) initial mass function
the ratio of black holes to neutron stars in the(aIMF\ 2.7),

Galaxy is 1.5% (1.2% from fallback, 0.3% from direct
collapse). This number does not include those black holes
formed from hypercritical accretion onto neutron stars in
binaries (Bethe & Brown 1998 ; Fryer & Woosley 1998 ;
Fryer, Woosley, & Hartmann 1999), which may double this
number.

From Table 1, we see that the black hole mass should
range from 3 to 15 for progenitors less massive than 40M

_Beyond 40 the Ðnal black hole mass could be asM
_

. M
_

,
large as its progenitor. But the progenitor mass depends
sensitively on the implementation of winds and binary
e†ects. Bailyn et al. (1998) have suggested that the masses of
black holes cluster around D7 The black holes thatM

_
.

have been measured are all in X-ray binaries. It is likely that
the progenitors of these black holes lost most of their
hydrogen envelope in a common envelope evolution. The
loss of this hydrogen envelope will not signiÐcantly change

(Fryer 1999)
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1. Both complete and incomplete Si-burning regions shift out-
ward in mass compared with normal SNe. As seen in Figures 2a
and 2b, the mass in the complete Si-burning region becomes
larger, while the incomplete Si-burning region does not change
much. As a result, higher energy explosions produce larger
½(Zn;Co;V)/Fe" and smaller ½(Mn;Cr)/Fe".
2. In the complete Si-burning region of HNe, elements pro-

duced by!-rich freezeout are enhanced because of high entropies.
Hence, elements synthesized through the !-capture process, such
as 44Ti, 48Cr, and 64Ge, are more abundant. These species decay
into 44Ca, 48Ti, and 64Zn, respectively.
3. Oxygen burning takes place in more extended regions for

the larger explosion energy. Then more O, C, and Al are burned
to produce a larger amount of burning products such as Si, S, and
Ar. As a result, HN nucleosynthesis is characterized by large
abundance ratios of ½(Si; S)/O" (Umeda et al. 2002).

2.3. Mass Cut

The mass cut is defined to be a boundary between the central
remnant and the SN ejecta and thus corresponds to the mass of
the compact star remnant. The SN yield is an integration over the
ejecta outside the mass cut. In one-dimensional spherically sym-
metric models, the mass cut can be determined hydrodynami-
cally as a function of the explosion energy (WW95). However,
such one-dimensional hydrodynamic determinations may not be
relevant, because SN explosions are found to be aspherical (e.g.,
Kawabata et al. 2002; Leonard et al. 2002; Wang et al. 2002,
2003;Maeda et al. 2002, 2006a, 2006b;Mazzali et al. 2005;Chugai
et al. 2005).
We take into account approximately the aspherical effects with

a mixing-fallback model (see the Appendix for details) parame-
terizing the aspherical SN explosions with three parameters, i.e.,
the initial mass cut Mcut(ini), the outer boundary of the mixing
regionMmix(out), and the ejection factor f. The initial mass of the
central remnant is represented byMcut(ini). During the explosion,
an inversion of the abundance distribution and a fallback of the
materials aboveMcut(ini) onto the central remnant might occur in
the aspherical explosions (e.g., Maeda &Nomoto 2003; Nagataki
et al. 2006; Tominaga et al. 2007), in contrast to the spherical ex-
plosions. The inversion is represented by the mixing of the mate-
rials betweenMcut(ini) andMmix(out) and the fraction of materials

Fig. 1.—(a) Explosion energy and (b) ejected 56Ni mass as a function of
the main-sequence mass of the progenitor for core-collapse SNe (SN 1987A:
Shigeyama & Nomoto 1990, Blinnikov et al. 2000; SN 1993J: Nomoto et al.
1993, Shigeyama et al. 1994; SN 1994I: Nomoto et al. 1994, Iwamoto et al. 1994,
Sauer et al. 2006; SN 1997D: Turatto et al. 1998, Zampieri et al. 2003; SN 1997ef:
Iwamoto et al. 2000, Mazzali et al. 2000; SN 1998bw: Iwamoto et al. 1998,
Nakamura et al. 2001a; SN 1999br: Zampieri et al. 2003; SN 2002ap:Mazzali et al.
2002, Tomita et al. 2006; SN 2003dh: Mazzali et al. 2003, Deng et al. 2005; SN
2003lw: Mazzali et al. 2006a; SN 2004aw: Taubenberger et al. 2006; SN 2005bf:
Tominaga et al. 2005; SN 2006aj: Mazzali et al. 2006b).

TABLE 1

Explosion Models

MMS E51 M( 56Ni) M (Mg) [Fe/H]a [O/Fe] [Mg/Fe] Mcut(Bn) Mcut(ini) Mmix(out) f b Abundance Pattern

13.......................... 1 0.07 0.09 # 2.55 # 0.08 0.37 1.57 1 Fig. 4a

15.......................... 1 0.07 0.07 # 2.55 0.15 0.27 1.48 1 Fig. 4b

18.......................... 1 0.07 0.16 # 2.55 0.41 0.63 1.65 1 Fig. 4c

20.......................... 10 0.08 0.17 # 3.34 0.50 0.58 1.90 1.52 2.05 0.28 Fig. 3a

25.......................... 5 0.11 0.14 # 2.97 0.50 0.41 2.45 1.79 2.69 0.26 Fig. 7

25.......................... 10 0.10 0.15 # 3.27 0.50 0.48 2.86 1.79 3.07 0.16 Fig. 3b

25F ....................... 1 0.0008 0.03 # 4.50 2.40 1.81 4.20 1.79 4.21 0.004 Fig. 8

30A....................... 20 0.16 0.22 # 3.31 0.50 0.41 3.27 1.65 3.59 0.17 Fig. 3c

30B....................... 20 0.05 0.04 # 3.81 0.55 0.20 6.73 1.65 7.01 0.05 Fig. 3c

40A....................... 30 0.26 0.34 # 3.25 0.50 0.39 5.53 2.24 6.00 0.12 Fig. 3d

40B....................... 30 0.11 0.09 # 3.63 0.46 0.20 10.70 2.24 11.16 0.05 Fig. 3d

50A....................... 40 0.36 0.57 # 3.22 0.50 0.47 3.76 1.89 4.49 0.28 Fig. 3e

50B....................... 40 0.23 0.20 # 3.40 0.35 0.20 11.01 1.89 13.05 0.18 Fig. 3e

Notes.—The numbers shown are themain-sequencemass, the explosion energy, the ejected 56Nimass, the ejectedMgmass, [Fe/H], [O/Fe], [Mg/Fe], the final central
remnant mass, the mass of inner boundary of the mixing region, the mass of outer boundary of the mixing region, the ejection factor, and the figure number of the
comparison with the EMP and VMP stars. The masses are all given in solar units.

a [Fe/H] is determined as ½Fe/H " ’ log ½M (Fe)/1M$ "/E 6/7
51

! "
# C. Here we assume that C is a constant value, C ¼ 1:4.

b The f is an ejection factor; f ¼ 1 corresponds to normal SN models without the mixing-fallback model.
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Fig. 1.—The masses of Mg (squares) and O (pentagons) ejected from SN
models are plotted as a function of the progenitor mass (WW95 [open]; T95
[filled]).

Fig. 2.—Top panel: the crosses are the observed [C/Mg] for stars plotted
against [Mg/H] (McWilliam et al. 1995). The open and filled circles show the
same quantities in the first-generation SNRs calculated from theoretical SN
models (WW95 [open circles]; T95 [filled circles]). The arrow indicates the
change in the abundance pattern of the model so as to reproduce the SN 1987A
observations (Thielemann et al. 1990 and references therein). Middle panel:
same as the top panel, but for [Ca/Mg]. Bottom panel: same as the top panel,
but for [Si/Mg]. See text for arrows.

to the average value of ª20.9 integrated for stars in the mass
range of over the Salpeter initial mass func-10 ! M /M ! 50ms ,

tion (IMF) with a slope of . It results in the corre-x 5 21.35
sponding gradient of that has the op-D[C/Mg]/D[Mg/H] ª 0.2
posite sign and a smaller absolute value than in observations.
This argument also holds for WW95. If we introduce a me-
tallicity-dependent IMF, the observed gradient requires a drastic
change of the slope of the IMF from at [Fe/H] ªx ª 210
24 to at . The index of is al-x ª 0.5 [Fe/H] ª 22.5 x ª 210
most equivalent to assuming that most of the stars with

are formed from SNRs with . It[Fe/H] ª 24 M 5 10 Mms ,

will be shown in the following section that this is indeed the
case if we assume that most of the stars with [Fe/H] & 22.5
are formed from individual SN events.
Here we will also predict the Fe yields as a function of
using the observed [Mg/Fe]-[Mg/H] trend combined withMms

the [Mg/H]-Mms relation in theoretical SN models. Then these
Fe yields are compared with those derived from SN light-curve
analyses. To calculate the mass of hydrogen swept up by an
SNR, which is important for obtaining [Mg/H], the analytical
expression for this mass in Cioffi, Mckee, & Bertschinger
(1988) is modified to be applicable to SNRs that occur in metal-
free interstellar matter (ISM).

2. LATE-STAGE EVOLUTION OF THE FIRST-GENERATION SNR

In a spherically symmetric SNR (see, e.g., Cioffi et al. 1988),
after the radiative cooling timescale becomes shorter than the
dynamical timescale at the shock front, the shock front prop-
agates considerably slower than before and makes a dense shell
immediately behind it. Most of the mass inside the shock front
resides in this shell. The ejecta that contain heavy elements
occupy only a small central portion of the SNR, even during
this pressure-driven snowplow (PDS) phase. In a realistic SNR,
the situation is different. First, the contact surface between the
ejecta and the ISM is subject to the Rayleigh-Taylor instability
during the preceding Sedov-Taylor phase (Taylor 1950; Sedov
1959). A large part of the ejecta penetrates into the ISM. Thus,
it is expected that the ejecta already approach the dense shell
at the beginning of the PDS phase and merge with it during
this phase. Second, an isothermal shock front is considered to
be dynamically unstable (Vishniac 1983). Thus, the dense shell
behind the shock front is fragmented into a number of cloud
cores that retain the abundance pattern of the SN. These cloud

cores embedded in a high ambient pressure become seeds of
stars of the next generation (Nakano 1998). Some of the stars
thus formed are currently observed as extremelymetal-deficient
stars. Accordingly, the average abundance pattern inside the
SNR is assumed to represent the abundance pattern in all these
stars.
Cioffi et al. (1988) obtained the time when an SNRtmerge

loses its identity. This time is a function of the ratio of the
shock velocity to the sound speed cs (or the velocity dispersion)
of the ISM at the beginning of the PDS phase ( ) andt 5 tPDS

itself. For an SNR in a homogeneous ISM with the densitytPDS
of , is determined byn t1 PDS

1 ≠e
5 2aL(T ), (1)

n ≠t1

where e and are the internal energy and the cooling func-L(T )
tion at the temperature T, respectively. All the variables are
evaluated at the shock front using Sedov-Taylor solutions for
the point explosion with the energy and the number densityE0
. The constant a should be equal to 1.85 in order to reproducen1
for the numerical simulation in Cioffi et al. (1988) whentPDS
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A truncated IMF in dwarf galaxies

observationally

theoretically

Low-surface brightness galaxies
have

A low          ratio

massive O-type stars

less massive stars
a smaller number of 

very massive stars

A high mass end of the IMF depends on the mass of the star clusters.
In the low density environment, the formation of massive star clusters is suppressed.

(Kroupa & Weidner 2003, Pflamm-Altenburg & Kroupa 2008)

Their model predictions have been shown to be consistent with the observed trend 
for the Ha-to-FUV flux ratio (Lee+ 2009).
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Figure 9. Total mass density of our sample and mass density in separate morphological classes, where points indicate the data values
(with 1/Vmax weights), and lines indicate values derived from our Schechter function fits. Mass density estimates are bounded for the
total and for most individual classes. Error ranges on these fits are indicated as in Figs. 6 and 8.

make the simple assumption that our multi-component pop-
ulations exhibit typical bulge-to-total ratios as calibrated by
Graham & Worley (2008), we find that total stellar mass
would be approximately equally divided between spheroidal
and disk-like structures, consistent with prior results (e.g.,
Driver et al. 2007). Dividing the stellar mass distribution
more finely by morphology, we find that E and S0-Sa classes
are the most mass-dominant individual classes, each com-
prising roughly 35% of the total stellar mass. The Sab-Scd
class is next with 22% of the total stellar mass, while Sd-Irrs
despite their numerical dominance make up only 7.4% of the
total stellar mass. Likewise, our other primarily dwarf class,
the LBSs comprise only about 2% of our total stellar mass.

5 SUMMARY AND CONCLUSIONS

We present a significant expansion of the set of galaxy mor-
phological classifications available for a local, volume-limited
sample of the GAMA survey, from 3,727 objects in GAMA I
to 7,556 objects in the current GAMA-II sample. Using this
volume-limited GAMA-II sample (z < 0.06 and r < 19.8
mag), we derive an updated set of GAMA stellar mass func-
tions, including a breakdown of the total stellar mass func-
tion into constituent parts by galaxy morphology. We find

broadly consistent results with the GAMA-I stellar mass
function analysis of Kelvin et al. (2014b), although some dif-
ferences exist in the detailed mass function shapes derived
for individual galaxy populations.

We find that all individual morphologically defined
galaxy classes have mass functions that are well described by
a single Schechter function shape and that the total galaxy
stellar mass function of our sample is roughly consistent
with a double Schechter function shape, although the sum of
all individual morphological-type stellar mass functions pro-
vides an unsurprisingly closer correspondence to the data.
By extending the mass limit of our sample one dex lower
than Kelvin et al. (2014b), we are also able to constrain
the stellar mass function of the “little blue spheroid” (LBS)
galaxy population, which was previously not possible due to
the primarily low stellar mass nature of this population. This
low-mass and blue but apparently bulge-dominated class
is intriguing, and it is currently unclear whether they are
truly classical spheroid systems or may host disk-like struc-
tures that are di�cult to observe and/or resolve with rela-
tively shallow and low-resolution SDSS imaging. Deeper and
higher-resolution optical imaging from the Kilo-Degree Sur-
vey (KiDS; de Jong et al. 2013), soon to be available for the
GAMA survey regions, will allow us to examine this topic

MNRAS 000, 1–13 (2015)

the stellar mass budget by galaxy type 

(Moffett+ 2015)
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