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なぜ宇宙はこんなに大きくて
一様なのか？

なぜ空間は平坦なのか？

銀河・銀河団などの階層構造
のタネになった密度ゆらぎの
起源は何か？

観測と整合的にインフレーションを起こす
素粒子論的メカニズムの研究

ダークマター

ダークエネルギー

バリオン
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例 (Peebles & Vilenkin 99) のQuintessential Inflation
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放射

中身の問題を考える時、もう一つ忘れてはならないこと



inflaton potential

reheating
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M

通常のインフレーションモデルではインフレーション後スカラー場の
振動エネルギーが宇宙を支配し、その崩壊によって放射生成・再加熱
が実現する。

inflation

late time 

acceleration

𝜙

𝑉 𝜙 kination

Quintessential Inflationでは
場の振動は起こらず、
インフレーション後スカラー場の
運動エネルギーが優勢となる。
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この宇宙膨張則の変化によって重力的粒子生成が起こる
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（例）スカラー場 のモード関数は

という時間依存した「質量項」を持つ
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この分真空がズレる

Rは時空のスカラー曲率



Bogoliubov係数 によって

生成する放射のエネルギー密度は
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と表される

質量ゼロで曲率と結合していないスカラー場一自由度につき

だけ生成する。

グラビトンも同じように生成し、偏光２自由度分でこの２倍生成

これを十分薄めないとCMBや元素合成に矛盾してしまう

ド・ジッター時空のホーキング温度 くらいinf
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time or scale factor

energy density

inflation

kinatic energy of the inflaton

radiation from gravitational particle production

0a

6a

4

4inf

4

1

2
r

H
a

a




 
 

 

Ra1a 

2

inf

(2 ) G
R

M
a

H



infH H

3

infR RH H H a 

このシナリオでのエネルギー密度の進化

再加熱時刻
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in Eqs. (4) and (7) reflects the fact that the Galileon
symmetry is broken in the curved spacetime even if we
constrain our functional form of the Lagrangian which
possess its symmetry in the M inkowski spacetime.
W e begin with constructing an exactly de Sitter back-
ground, taking K and G as

K (φ, X ) = K (X ), G(φ, X ) = g(φ)X . (8)

In this case, inflation is driven purely kinematically, al-
though G-inflation does not preclude a potential-driven
inflationary solution with an explicit φ-dependence in
K (φ, X ) in general; see Eq. (1). I f g(φ) = const, i .e. ,
the Lagrangian has a shift symmetry φ→ φ+ const, we
have an exactly de Sitter solution satisfying φ̇ = const,

3M 2P lH
2 = −K , D := K X + 3gH φ̇ = 0. (9)

Let us now provide a simple example:

K = −X +
X 2

2M 3µ
, g =

1

M 3
, (10)

whereM and µ are parametershaving dimension of mass.
The de Sitter solution is given by

X = M 3µx , H 2 =
M 3

18µ

(1 − x)2

x
, (11)

where x (0 < x < 1) is a constant satisfying (1 −
x)/x 1 − x/2 =

√
6µ/M P l . For µ ≪ M P l , it can be

seen that x ≃ 1 −
√
3µ/M P l and hence the Hubble

rate during inflation is given in terms of M and µ as
H 2 ≃ M 3µ/(6M 2P l ). As the fi rst term in K (X ) has the
“wrong” sign, one may worry about ghost-like instabili-
ties. However, as we will see shortly, this model is free
from ghost and any other instabilities.
By allowing for a tilt of the function g(φ) we can find
quasi-de Sitter inflation, which also induces a tilt in the
spectral index of curvature fluctuations; see Eq. (26) be-
low. To investigate this possibility we define

ϵ := −
Ḣ

H 2
, η := −

φ̈

H φ̇
, ϵg := M P l

gφ
g
. (12)

The slow-roll conditions are given by |ϵ| ≪ 1 and |η| ≪ 1,
one of which can be replaced by |ġ/H g| ≪ 1 as long as
X K X X /K X = O(1). The slow-roll condition |ġ/H g| ≪ 1
can also be written in terms of ϵg as |ϵg | X /(−K ) ≪
1. In order to have ρ ≃ −K we require |X D/K | ≪ 1.
Thus, the “slow-roll” equations are 3M 2P lH

2 ≃ −K and
D ≃ 0. From the fi rst equation and its time derivative,
6M 2P lH Ḣ ≃ −K X Ẋ , we find that ϵ and η are actually
related as ϵ ≃ ηX K X /K .
For a toy model with ϵg = const, namely, g(φ) =
eϵg φ/M P l /M 3 , and various K (X ), we have solved nu-
merically the relevant equations, and confi rmed that the
quasi-de Sitter solution is an attractor.

Inflation can be terminated by incorporating the φ-
dependence of the linear term in the kinetic function,

K (φ, X ) = −A(φ)X + ∆K , (13)

to fl ip the sign of A to the “normal” one (A = const
< 0) due to the nontrivial evolution of A(φ) [≃ A(φ̇t)]
in the final stage of inflation, while G(φ, X ) may still be
of the form G = g(φ)X with g ≃ const. As an explicit
example, one can take K = −A(φ)X + X 2/2M 3µ and
G = X /M 3 where A(φ) = tanh[λ(φend − φ)/M P l ] with
λ = O(1). Our numerical solution shows that soon after
φ crosses φend to change the sign of A , it stalls and all
the higher-order terms ∆K as well as terms from G✷φ
become negligibly small within one e-fold. As a result, φ
behaves as a massless canonical field, so that the energy
density of the scalar field is diluted as rapidly as ρ∝a− 6 .
Since the shift symmetry of the original Lagrangian
prevents direct interaction between φ and standard-
model contents, reheating proceeds only through grav-
itational particle production as discussed by Ford [10],
who has shown that at the end of inflation (a = 1) there
exists radiation with its energy density corresponding at
least to the Hawking temperature:

ρr |end =
π2

30
g∗T

4
H , TH =

H i n f
2π
. (14)

Since ρr = 3M 2P lH
2
in f (g∗/1440π

2)(H i n f/M P l )
2 ≪

3M 2P lH
2
in f , the radiation component does not affect the

cosmic history at that moment. Subsequently, the radia-
tion energy density decays as ρr ∝a

− 4 , while the energy
density of φ is diluted more rapidly as ρφ ∝ a− 6 . F i-

nally one finds ρφ = ρr at a =
√
3M P lH i n f ( ρr |end )

− 1/2 .
Defining the reheating temperature by ρr = ρφ =
(π2/30)g′∗T

4
R , one can estimate

TR ≃ 0.01
H 2in f
M P l

≃ 104 GeV
H i n f

1012 GeV

2

. (15)

Let us briefly comment on baryogenesis through lep-
togenesis [11]. I f the mass of the lightest right handed
neutrinos N 1 is smaller than the Hawking temperature
TH , they are copiously produced at the end of infla-
tion. Then, their out-of equilibrium decay can lead to
lepton asymmetry, which is converted to baryon asym-
metry through the sphaleron effects. In our scenario, the
decay parameter, which is defined as the ratio of the de-
cay rate of N 1 to the Hubble parameter when N 1 becomes
non-relativistic, is significantly suppressed compared to
the standard thermal leptogenesis scenario [11] because
the universe is dominated not by radiations but by the
inflaton. Thus, the wash out processes are significantly
suppressed and sufficient baryon asymmetry is produced.
The phase space diagram of G-inflation is depicted in
Fig. 1. Note that in G-inflation the null energy condition
(NEC) may be violated, i .e. , 2M 2P l Ḣ = − (ρ + p) > 0.
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Dark Matter X

Radiation from A particles

グラビトンを薄めるため、重粒子も生成し、それがあとで崩壊する
ことによって宇宙が再加熱すると考える。ついでにダークマターも
重力粒子生成で作ろう。

A: あとで宇宙を崩壊して再加熱する重粒子
X: 現在DMとなっている安定粒子

A particles decay at               to radiation with the decay rate                   .    
da a A Am 

The Universe became radiation dominant at              : reheating time.
Ra a

dt Rt
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• We consider 3 hierarchical right-handed neutrinos

𝑁3 : 𝑀3 ~ 1013 GeV

𝑁2 : 𝑀2 ~ 1011 GeV

𝑁1 : 𝑀1 ~ 10 keV

• ℒ𝑁 = 𝑀𝑖
ഥ𝑁𝑖
𝑐𝑁𝑖 + ℎ𝑖𝛼𝑁𝑖𝐿𝛼𝐻

†

• Quintessential inflation which is followed by kination

Reheating

Baryogenesis

Dark matter

𝑁3

𝑁2
𝑁1

1013 GeV

1011 GeV

10 keV

以上すべてを右巻ニュートリノによって説明したい

inflation

late time 

acceleration

𝜙

𝑉 𝜙
kination

(Peebles & Vilenkin 99)

(Kusenko, Takahashi & Yanagida 10)

Hashiba＆ JY 1905.12423



フェルミオンの重力粒子生成

•運動項は共形不変なので質量に依存する。

𝜌 ≅ 𝐶′𝑒−4𝑚Δ𝑡𝑚2𝐻inf
2 𝑎−3

𝑚 : 質量

Δ𝑡 : 宇宙膨張則の変化の所要時間(𝐻inf
-1程度)

𝐻inf : inflation中のハッブルパラメタ

𝐶′ ≅ 2 × 10−3 ≈ 10Cscalar



𝑵𝟑によって放射の起源を説明する

• Decay of 𝑁3
𝑁3 decays into SM particles with decay rate Γ3

Γ3 =
1

4𝜋
෍

𝛼

෨ℎ𝑖𝛼
2
𝑀3

Since 𝑁3 is much heavier than any SM particles,

resultant SM particles are relativistic

𝜌

𝑡end of 

inflation

𝑁3 decays

~𝑎−4

~𝑎−6

~𝑎−3
inflaton

𝑁3

SM particles
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𝟐
< 𝟖. 𝟓 × 𝟏𝟎−𝟏𝟏

~ Yukawa coupling of electron

•再加熱温度

𝑇𝑅𝐻 ≅ 6

•グラビトンを十分薄めるための条件
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𝑛𝐵
𝑠
=
28

79

𝑛𝐿
𝑠

≈ 1 × 10−3
Im ෨ℎ෨ℎ†

32

2

෨ℎ෨ℎ†
33

𝑒−𝑀3Δ𝑡 ln
𝑀3

𝑀2
෍

𝛼

෨ℎ3𝛼
2

1
4𝑀2

𝑀3

𝑀3

𝐻inf

−
1
4

𝑴𝟐 ≳ 𝟏𝟎𝟏𝟏 𝐆𝐞𝐕 and ෩𝒉𝟐𝟐 𝐨𝐫 ෩𝒉𝟐𝟑 ≳ 𝟏𝟎−𝟑 Τ𝑴𝟑 𝑴𝟐

= 9´10-11

Interference

between 𝑁3 & 𝑁2

CP violation

(Fukugita & Yanagida 86)

レプトジェネシスによってバリオン非対称を生成



𝑵𝟏 をダークマターに。 (split seesaw scenario)

許容域
K. Perez et al., Phys. Rev. D95 (2017) 123002.

~10keVのステライルニュートリノ
はダークマターになり得る

M
N

1

»10keV

v = 246GeV

For 𝑀1~10 keV,

෍

𝜶

෩𝒉𝟏𝜶
𝟐
< 10−𝟐𝟔

(Kusenko, Takahashi & Yanagida 10)

Randall-Sundrum 型のブレーン
ワールドシナリオを考えればこの
極小湯川結合定数も大きな微調整
なく説明可能ではある



𝑁1

もし が時空のスカラー曲率と以下のような結合を持っていたら、
インフレーション終了時にRは大きく変化するのでそれによって実効
質量が変化し、粒子生成を十分起こせる。

𝑅

𝜇
ത𝜓𝜓 𝜇 : 質量次元を持った定数

インフレーション終了時の数密度は
程度になる。

𝑛 ≅ 1.1 × 10−1 Τ𝐻inf
5 𝜇2

m »1015GeV

最大の問題は、想定される の質量10keVでは、重力粒子生成
で十分な量の を作ることができないこと。𝑁1

𝑁1

ととればダークマターの適切な存在量が説明できる



３世代の右巻ニュートリノで

放射
バリオン非対称
ダークマター

のすべてを説明できるような真っ当な理論を構築したい

インフレーション宇宙





• RS brane-world scenario
We identify the zero mode of a 5D bulk field ഥΨ𝑖

with the 4D right-handed neutrino 𝑁𝑖
𝑆 = 𝑑4𝑥𝑑𝑦ሼ𝑀(𝑖ഥΨ𝑖𝛾׬

𝐴𝜕𝐴Ψ𝑖 +𝑚𝑖
ഥΨ𝑖Ψ𝑖)

ൠ+𝛿 𝑦
𝜅𝑖
2
𝑣B−LഥΨ𝑖

𝑐Ψ𝑖 + 𝜆𝑖𝛼ഥΨ𝑖𝐿𝛼𝐻
† + h. c.

𝑀 : 5D fundamental scale ~ 5 × 1017 GeV
𝑚𝑖 : bulk mass
𝑙 : size of extra dimension ~ 1016 GeV −1

𝜅𝑖 : numerical constant of order unity
𝑣B−L : VEV of B − L gauge boson ~ 1016 GeV ours hidden

𝑦
𝑙0L. Randall and R. Sundrum, Phys. Rev. Lett. 83 (1999) 3370.



• RS brane-world scenario

RS brane-world scenario can explain

Large mass hierarchy

Extremely small coupling

𝑀𝑖 = 𝜅𝑖𝑣B−L
2𝑚𝑖

𝑀 𝑒2𝑚𝑖𝑙 − 1

෨ℎ𝑖𝛼 =
𝜆𝑖𝛼

𝑀

2𝑚𝑖

𝑒2𝑚𝑖𝑙 − 1

4D 5D

𝑀3~10
13 GeV

𝑀2~10
11 GeV

𝑀1~10 keV

෨ℎ3𝛼 < 3 × 10−6

෨ℎ22, 23~10
−2

෨ℎ1𝛼 < 10−13

𝑚3~2.3𝑙
−1

𝑚2~3.6𝑙
−1

𝑚1~24𝑙
−1

𝜆3𝛼 < 3 × 10−4

𝜆22, 23~1

𝜆1𝛼 < 10−2

4D parameters 5D parameters




