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想像してみましょう（特に若い人へ）
もし、いま銀河系内超新星が観測されたとGCN、ATel、SNEWSなど 
（もしかしたらTwitterやInstagramの方が早いかも？）から通知が来たら、 
あなたはどうしますか？ 
自分ではない誰かがアドレナリン全開で新データと向き合っているときに、
指を咥えてみているだけでしょうか？ 
（ちなみに、僕は重力波のときはそんな感じでした。。。） 
それとも 
自分自身がキープレイヤーとして誰も知らない世界を切り開きたいですか？
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思考実験してみましょう
仮定１：近傍宇宙で重力崩壊型超新星が起こったとする 
仮定２：Super-Kamiokandeでニュートリノが観測されたとする 
以下のようなデータがコミュニティに共有されるでしょう 
時刻、イベント(e+)エネルギー、イベント生成場所 
(t1、E1、x1) 
(t2、E2、x2) 
(t3、E3、x3) 
… (tN、EN、xN) 
このデータ群をどうやって物理につなげるか？
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Event
number

Event
time
(sec)

Number
of PMT's
(N hii)

Electron
energy
(MeV)

Electron
angle

(degrees)

TABLE I. Measured properties of the twelve electron events
detected in the neutrino burst. The electron angle in the last
column is relative to the direction of SN1987A. The errors on
electron energies and angles are one-standard-deviation Gauss-
ian errors.
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the remainder of the events is consistent with isotropy.
In performing the search of the data of 16:09, 21

February 1987 to 07:31, 24 February 1987 JST, the data
were divided into successive 10-sec intervals. Binning
problems were avoided by offsetting each 10-sec interval
10 times by an additional second. A search was also
made on a larger data sample of 42.9 days, 9 January
1987-25 February 1987, and no other burst candidates
were found, where a burst candidate was defined as an
event multiplicity ~ 4 per 10 sec with Nh;t per event
~ 30. From the extended period it was determined that
the number of events with Nh;t ~ 30 per 10 sec was well
described by a Poisson distribution of mean n =0.0121
up to multiplicity 3, excepting only the burst of multipli-
city 6 shown in Table I. For a reduced threshold of Nh;t
per event ~ 20 per 10 sec, a Poisson distribution also ob-
tained with n =0.219 up to multiplicity 4, the only ex-
ception being the burst (of multiplicity 9) described
above. Accordingly, the rate of occurrence of 6 events
per 10 sec with Nh;t ~ 30, or 9 events per 10 sec with
Nh;t ~ 20, due to a statistical fluctuation is less than one
per 7x10 yr or less than one per 1&10 yr, respectively.
The only background process that might conceivably

give rise to a burst of events in a short interval of time
would be the production of an energetic nuclear cascade
by an incident cosmic-ray muon. The characteristics of
such events have been studied in detail previously as the
spallation background for solar- B-neutrino events.
The relative total rate of spallation leading to one or
more low-energy electron events is less than 10 per in-
cident muon. The measured multiplicity distribution of
low-energy electron events following an incident muon in
time yields a probability of multiplicity ~ 3 of 3 x 10
The low-energy electron-event background from spalla-

I I I I I I i i i I I i i i i I

—1.0 —0.5 0.0 0.5 1.0
SJ.N3A3 30 838WAN COS 8(e,LMC)

FIG. 3. Scatter plot of the detected electron energy in
megaelectronvolts and the cosine of the angle between the
measured electron direction and the direction of the Large
Magellanic Cloud. The number to the left of each entry is the
time-sequential event number from Table I. The two projec-
tions of the scatter plot are also displayed.

tion has the following principal properties: (1) lt exhib-
its an exponential time structure which refiects the
known lifetimes of the radioisotope fragments from ' 0,
specifically, an (18 ~ 1.2)-msec component from ' N
and ' B, and also a component with a longer exponential
time structure of 1.2+ 0.5 sec, with relative rates 2:1, re-
spectively; and (2) the resultant P-decay electrons with
observed energies above 15 MeV occur with less than 4%
probability.
Consequently, the overall probability that any of the

muons, pl to p4, was the progenitor of the event burst in
Table I is extremely low, much less than 10 x 3
x10 x (0.04), where the last factor follows from tak-
ing the four events (Nos. 1, 7, 8, and 9) in Table I with
E,—1o.& 15 MeV. Note that the probability of 8
&10 ' does not include factors from either the details
of the internal time structure of the data in Table I, or
the time separation of the entire burst from any of the
preceding muons, or the geometrical correlation of the
low-energy electrons from spallation with the muons that
produced them.
We conclude that the event burst at 7:35:35 UT, 23

February 1987, displayed in Fig. 2 and Table I, is a
genuine neutrino burst. This is the only such burst found
by us during the period from 9 January to 25 February
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どうデータ解析するか？
とりあえず、イベントを時間ビンに区切って適当な関数
（ベキとか指数関数とか）でフィットしてみる？ 
エネルギー方向にもビンに切って、ヒストグラムを 
描いてみる？とりあえず平均と分散を出してみる？ 
そのフィット関数、平均、分散にどんな意味があるか？
物理を引き出すことは可能か？
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重力波を参考に考えてみる early-inspiral 
ポストニュートン近似 
ケプラー運動に摂動として相対論効果を組み込む方
法。厳密計算。 

連星パラメータ（M1やM2など）決定 
merger 
数値相対論シミュレーション 
アインシュタイン方程式を数値的に解く。ちなみに
BH-BH合体が計算できるようになったのは2005年。 

強非線形段階の系進化を計算 
その間（つまりlate-inspiral） 
現象論的モデル 
ポストニュートン近似と数値相対論計算をつなぐ（複
数のパラメータ有） 

データのテンプレート解析
5

propagation time, the events have a combined signal-to-
noise ratio (SNR) of 24 [45].
Only the LIGO detectors were observing at the time of

GW150914. The Virgo detector was being upgraded,
and GEO 600, though not sufficiently sensitive to detect
this event, was operating but not in observational
mode. With only two detectors the source position is
primarily determined by the relative arrival time and
localized to an area of approximately 600 deg2 (90%
credible region) [39,46].
The basic features of GW150914 point to it being

produced by the coalescence of two black holes—i.e.,
their orbital inspiral and merger, and subsequent final black
hole ringdown. Over 0.2 s, the signal increases in frequency
and amplitude in about 8 cycles from 35 to 150 Hz, where
the amplitude reaches a maximum. The most plausible
explanation for this evolution is the inspiral of two orbiting
masses, m1 and m2, due to gravitational-wave emission. At
the lower frequencies, such evolution is characterized by
the chirp mass [11]

M ¼ ðm1m2Þ3=5

ðm1 þm2Þ1=5
¼ c3

G

!
5

96
π−8=3f−11=3 _f

"
3=5

;

where f and _f are the observed frequency and its time
derivative and G and c are the gravitational constant and
speed of light. Estimating f and _f from the data in Fig. 1,
we obtain a chirp mass of M≃ 30M⊙, implying that the
total mass M ¼ m1 þm2 is ≳70M⊙ in the detector frame.
This bounds the sum of the Schwarzschild radii of the
binary components to 2GM=c2 ≳ 210 km. To reach an
orbital frequency of 75 Hz (half the gravitational-wave
frequency) the objects must have been very close and very
compact; equal Newtonian point masses orbiting at this
frequency would be only ≃350 km apart. A pair of
neutron stars, while compact, would not have the required
mass, while a black hole neutron star binary with the
deduced chirp mass would have a very large total mass,
and would thus merge at much lower frequency. This
leaves black holes as the only known objects compact
enough to reach an orbital frequency of 75 Hz without
contact. Furthermore, the decay of the waveform after it
peaks is consistent with the damped oscillations of a black
hole relaxing to a final stationary Kerr configuration.
Below, we present a general-relativistic analysis of
GW150914; Fig. 2 shows the calculated waveform using
the resulting source parameters.

III. DETECTORS

Gravitational-wave astronomy exploits multiple, widely
separated detectors to distinguish gravitational waves from
local instrumental and environmental noise, to provide
source sky localization, and to measure wave polarizations.
The LIGO sites each operate a single Advanced LIGO

detector [33], a modified Michelson interferometer (see
Fig. 3) that measures gravitational-wave strain as a differ-
ence in length of its orthogonal arms. Each arm is formed
by two mirrors, acting as test masses, separated by
Lx ¼ Ly ¼ L ¼ 4 km. A passing gravitational wave effec-
tively alters the arm lengths such that the measured
difference is ΔLðtÞ ¼ δLx − δLy ¼ hðtÞL, where h is the
gravitational-wave strain amplitude projected onto the
detector. This differential length variation alters the phase
difference between the two light fields returning to the
beam splitter, transmitting an optical signal proportional to
the gravitational-wave strain to the output photodetector.
To achieve sufficient sensitivity to measure gravitational

waves, the detectors include several enhancements to the
basic Michelson interferometer. First, each arm contains a
resonant optical cavity, formed by its two test mass mirrors,
that multiplies the effect of a gravitational wave on the light
phase by a factor of 300 [48]. Second, a partially trans-
missive power-recycling mirror at the input provides addi-
tional resonant buildup of the laser light in the interferometer
as a whole [49,50]: 20Wof laser input is increased to 700W
incident on the beam splitter, which is further increased to
100 kW circulating in each arm cavity. Third, a partially
transmissive signal-recycling mirror at the output optimizes

FIG. 2. Top: Estimated gravitational-wave strain amplitude
from GW150914 projected onto H1. This shows the full
bandwidth of the waveforms, without the filtering used for Fig. 1.
The inset images show numerical relativity models of the black
hole horizons as the black holes coalesce. Bottom: The Keplerian
effective black hole separation in units of Schwarzschild radii
(RS ¼ 2GM=c2) and the effective relative velocity given by the
post-Newtonian parameter v=c ¼ ðGMπf=c3Þ1=3, where f is the
gravitational-wave frequency calculated with numerical relativity
and M is the total mass (value from Table I).

PRL 116, 061102 (2016) P HY S I CA L R EV I EW LE T T ER S week ending
12 FEBRUARY 2016
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必要なもの
いくつか段階がある 
数学的な取り扱いが定まっている厳密解（不定性 小） 
上の厳密計算と数値計算をつなぐ現象論（不定性 中） 
高い非線形性をもつ式を解く数値計算（不定性 大） 
もし厳密計算がない場合、我々はなにを信じればよいのか？その数値計算は
本当に正しく解を求められているか？ 
介入する物理が一つの場合はまだ収束性の確認などで担保可能 
マルチフィジックスになってしまったら、定量的な計算はほぼ不可能。定性
的な現象の理解に留まる。
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いまあるもの
超新星ニュートリノ研究の最前線 
厳密解：なし 
現象論：いくつか研究あり [Loredo & Lamb 1989; Keil+ 2003; Nakazato & Suzuki 2020; Suwa+ 2021] 
数値計算：最も情報が多い [Sato & Suzuki 1987; Burrows+ 1992; Totani+ 98; Fischer+ 2010; Hüdepohl+ 2010; 

Roberts+ 2012; Nakazato+ 2013; Suwa+ 2019; Mori+ 2021, and more] 
次の近傍超新星に向けて、道具を揃える必要がありそう 
2017年からnuLCコラボレーションとして活動中
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Kyoto U.: R. Wendell (Experiment)

NIT, Numazu: K. Sumiyoshi (Theory)

Kyushu U.: K. Nakazato (Theory)

Okayama U.: Y. Koshio, M. Harada, F. Nakanishi (Experiment)

Riken: A. Harada (Theory) 
U. Tokyo: Y. Suwa, M. Mori (Theory/Experiment)

nuLC collaboration
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“nuLC” 
=neutrino Light Curve

Papers: 
1. Suwa, Sumiyoshi, Nakazato, Takahira, Koshio, Mori, Wendell, ApJ, 881, 139 (2019) 
2. Suwa, Harada, Nakazato, Sumiyoshi, PTEP, 2021, 013E01 (2021) 
3. Mori, Suwa, Nakazato, Sumiyoshi, Harada, Harada, Koshio, Wendell, PTEP, 2021, 023E01 (2021) 
4. Nakazato, Nakanishi, Harada, Koshio, Suwa, Sumiyoshi, Harada, Mori, Wendell, ApJ, 925, 98 (2022) 
5. Suwa, Harada, Harada, Koshio, Mori, Nakanishi, Nakazato, Sumiyoshi, Wendell, ApJ, 934, 15 (2022)
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FIG. 1: Luminosity of the ⌫e, ⌫̄e and ⌫x species for our 27M�
simulation as measured by a distant observer with angular
coordinates close to the plane of the spiral mode in the first
SASI period.

occurs after a period clearly dominated by convective
overturn. On the other hand, the 11.2M� model does
not exhibit any clear evidence of SASI motions but devel-
ops the typical signatures of postshock convective over-
turn in the neutrino-heating layer.

We will usually show neutrino flux characteristics as
they would be seen by a distant observer located at cho-
sen angular coordinates in the coordinate system of the
SN simulation. For any angular position, the neutrino
luminosity reaching the observer is given by the super-
position of the projected fluxes emitted under di↵erent
angles, as described in Appendix A. Therefore, the ob-
servable neutrino fluxes are weighted hemispheric aver-
ages performed such as to include flux projection e↵ects
in the observer direction. The hemispheric averages, as
expected, show smaller time variations than specific an-
gular rays.

As a benchmark example, we show in Fig. 1 the lumi-
nosity for ⌫e, ⌫̄e and ⌫x = ⌫µ, ⌫⌧ , ⌫̄µ or ⌫̄⌧ as a function of
time, as seen by a distant observer with angular coordi-
nates close to the plane of the SASI spiral mode. Large-
amplitude, near-sinusoidal modulations of the neutrino
signal occur in the interval 120–260 ms as imprinted by
SASI. For 260–410 ms this is followed by a convective
phase, followed by another SASI episode on a di↵erent
plane with respect to the previous one. SASI modula-
tions have a similar amplitude for ⌫e and ⌫̄e, while they
are somewhat smaller for ⌫x.

Figure 2 shows the properties of our 27M� simula-
tion, averaged over all directions, to mimic an equivalent
spherically symmetric case. Of course, this average does
not depend on observer-related projection e↵ects. For
the species ⌫e, ⌫̄e and ⌫x, we show the luminosity, average
energy, and shape parameter ↵ of the assumed spectral
Gamma distribution (Appendix B). The fast time varia-
tions here have very small amplitude, i.e., convection and
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FIG. 2: Neutrino flux properties of our 27M� case after in-
tegrating over all directions. For ⌫e, ⌫̄e and ⌫̄x we show the
luminosity, average energy and shape parameter ↵ from 3D
(in black, blue and red respectively) and 2D (in grey) sim-
ulations for comparison. The single-OM IceCube rate r in
the bottom panel is without dead time for a SN distance of
10 kpc. Blue line: based on ⌫̄e flux without flavor oscillations.
Red line: based on ⌫̄x, i.e., assuming full flavor swap ⌫̄e $ ⌫̄e.

SASI activity do not strongly modulate the overall neu-
trino emission parameters—the modulations in various
directions essentially cancel out.
The hierarchy of fluxes and average energies as well as

A&A 517, A80 (2010)
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Fig. 14. Neutrino luminosities and mean energies with respect to time after bounce for the 8.8 M! O-Ne-Mg-core from Nomoto (1983, 1984,
1987) (left panel) and the 10.8 M! (middle panels) and 18 M! (right panel) Fe-core progenitor models from Woosley et al. (2002), measured in
the co-moving reference frame at a distance of 500 km.

in correlation with the more massive PNSs and the hence larger
number of neutrinos emitted. However, the difference between
electron-neutrino and electron-antineutrino luminosities found
in the present investigation is significantly lower than the differ-
ence in Woosley et al. (1994). During the initial explosion phase
until about 300 ms after the onset of the explosion, the electron
antineutrino luminosity is slightly higher than the electron neu-
trino luminosity by about 1 × 1050 erg/s which in our models
explains the electron fraction of Ye > 0.5 of the early explosion
ejecta. After about 900 ms post-bounce, the luminosities can
hardly be distinguished where during the initial neutrino-driven
wind phase after about 1 s after bounce the electron neutrino lu-
minosity becomes higher than the electron antineutrino luminos-
ity by about 1 × 1050 erg/s. This difference reduces again at later
times at about 6 s post-bounce and the electron flavor neutrino
luminosities become more and more similar (see Fig. 14).

Even more different are the values and the behavior of
the mean neutrino energies, see Fig. 14 and compare with
Fig. 2 of Woosley et al. (1994). They found (µ/τ)-neutrino en-
ergies of about 35 MeV which remained constant with respect
to time. Their electron-antineutrino energies increased slightly
from about 20 MeV to 22 MeV where the electron-neutrino en-
ergies decrease from 14 MeV to 12 MeV. This increasing dif-
ference between the electron neutrino and antineutrino spectra
favored neutron-rich material, which was consistent with their
findings of Ye < 0.5 for the material ejected in the neutrino-
driven wind in Woosley et al. (1994). We cannot confirm these
results for the mean neutrino energies nor the evolution of
the spectra. In contrast, all mean neutrino energies decrease
with respect to time for all our models. This is a consequence
of lepton number and energy loss of the central PNS where
the neutrinos diffuse out. The electron (anti)neutrino energies
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超新星ニュートリノ後期放射
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数値計算

10

[Suwa, Sumiyoshi, Nakazato, Takahira, Koshio, Mori, Wendell, ApJ, 881, 139 (2019)]

3. Detection at Super-Kamiokande

The Super-Kamiokande detector, which is located 1000m
underground (2700 m water equivalent) in the Kamioka mine
in Gifu Prefucture, Japan, is a cylindrical tank (39.3 m in
diameter and 41.4 m in height) filled with 50kilotons of ultra-
pure water (Fukuda et al. 2003). The experiment started in
1996, and was shutdown for the latter half of 2018 for
refurbishment ahead of a planned upgrade, known as SK-Gd, to
load gadolinium in the detector’s water. However, in this paper
only simulations with pure water are performed. The detector is
divided into two regions called the inner and outer detectors, to
distinguish real neutrino interactions from cosmic-ray muon
backgrounds. The inner detector is lined with 11,129 20 inch
photomultiplier tubes (PMT) and the outer detector uses 1885
8 inch PMTs. Cerenkov light generated by charged particles
emerging from neutrino interactions in water is observed by the
PMTs and used to reconstruct the neutrino signal. The fiducial
volume used in typical data analyses is 22.5kilotons, defined
as the volume more than 2m from the inner wall of the inner
detector, in order to ensure stable reconstruction performance
and to reduce backgrounds from radioisotopes (RI). However,
for burst events like a supernova explosion, this kind of
transient background will be negligible and therefore, the entire
32.5kton volume of the inner detector is used in this paper.
The energy threshold for solar neutrino analysis in Super-
Kamiokande is 4.0 MeV (total electron energy), while 5MeV
is used in this paper to avoid RI background contamination
completely.

There are several neutrino interactions in the relevant energy
region of supernova neutrinos, a few to a few tens of MeV.
Inverse beta decay (IBD) with free protons, elastic scattering on
electrons, and nuclear interactions with oxygen are typical
examples. The dominant signal is from IBD
(Ō � l ��p e ne ) interactions, whose cross section has been
calculated in Vogel & Beacom (1999). Since the IBD cross
section is about 10 times larger than other interactions, it is the
only interaction channel considered in this paper. We note that
the updated IBD cross section calculation in Strumia & Vissani

(2003) yields the same cross section as Vogel & Beacom
(1999) below 40MeV, and would therefore not change the
estimates in this paper.
The next-generation water Cerenkov detector, Hyper-

Kamiokande, has been proposed in Hyper-Kamiokande
Proto-Collaboration et al. (2018). Its detection principle is the
same as Super-Kamiokande’s, but with a total inner detector
volume of 220kilotons. Accordingly, we include sensitivity
estimations for it in this paper as well.

4. Expected Event Rates

4.1. Results for the Neutrino Database

We describe the features of the expected number of events
for the series of models from the supernova neutrino database
(see Table 1). We select a set of models with a single
metallicity (Z=0.02) and focus on four progenitor models
(13, 20, 30, 50Me) with freedom to choose the shock revival
time. This set covers a variety of density profiles of progenitor
models and a range of PNS remnant masses. The density profile
affects the luminosity through matter accretion right after the
core bounce (early phase). The remnant mass is determined by
the progenitor model and shock revival time and affects the
long-term behavior of the luminosity (late phase) via the total
binding energy (Nakazato et al. 2013). In this section, the
distance to supernova is set to 10 kpc, except for Figure 8.
Neutrino oscillations are not included, because they are not
expected to significantly change the long-term evolution of
neutrino light curves (see Section 5.2). Detailed studies of the
early-phase with the neutrino oscillation will be reported in a
separate study.
We show in Figure 4 the expected number of IBD events (

i.e., Ōe interactions) as a function of time after the bounce. In the
early phase, up to 300 ms after the core bounce, the neutrino
signal carries information on the core bounce and accretion
onto it. The rise of Ōe interactions reflects components arising
from thermal pair production and positron capture on protons
in the accreting matter. We choose trevive=300 ms in this plot
to examine the difference of accretion luminosities among the
progenitors. The number of events rises quickly for 30Me and
50Me models as compared with those for 13Me and 20Me,
reflecting different rates of accretion. As discussed in the
literature (Thompson et al. 2003; O’Connor & Ott 2013;
Nakamura et al. 2015; Suwa et al. 2016), the early phase event
rate rise may probe the progenitor properties through the
accretion luminosity, ˙�L GMM Racc .
The time when the event rate drops depends on the shock

revival time, which is shown in Figure 5. If the shock wave
stalls around trevive=300 ms, the event rates stay at a certain
level due to continued accretion. In the case of trevive=100 ms
or 200 ms, the event rates rapidly decrease because accretion
ends as the shock is revived in our model. The drop in the event
rate is seen to correspond with the transition from the accretion
phase to the diffusion phase.
We expect to detect such a luminosity transition (event rate

transition) by observing the change in the neutrino light curve
when the shock revives and accretion halts. Although the
current database is based on 1D core-collapse dynamics and
PNS cooling models, we envisage this transition exists even
under more complicated situations as seen in modern 2D/3D
simulations. We remark that one expects more variations in the
event numbers in 2D and 3D simulations through

Figure 3. Luminosity (upper) and average energy (lower) of Ōe as a function of
time from the birth of the PNS. Thick solid lines are for the model in Nakazato
et al. (2018) with the EOS from Shen et al. (2011), red and blue lines are for
models with initial conditions in Equation (1). Red lines are for low-mass
(Mb=1.29 Me; M1) models and blue lines are for high-mass (Mb=2.35 Me;
M2) models. The thick dashed lines are for the low-entropy (L) model and the
thin dotted lines are for the high-entropy (H) model.
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where Eth is the threshold energy of positron detection at SK, òν
is the energy of a neutrino that produces a positron,
% � 1.29 MeV is the mass energy difference between neutrons

and protons, and ( )O O�f is the neutrino phase space occupation
function. Here, we assume the cross section of IBD is

( )T rO O� � 2, which gives the power of � %O� , and assume
that the neutrino phase space occupation function is a Fermi–
Dirac function without chemical potential,

( ) ( )� �O O O O� �f e1 1 k TB with the temperature Tν. In Table 2
we show the average energy of positrons with different
neutrino temperatures and threshold energies. Thus, with a
neutrino temperature ¯� �Ok T E 3.15 1.2 MeVB and

�E 5 MeVth , our average neutrino energy from the PNS
cooling simulation and positron average energy are consistent.
By simply assuming � % �E 0th , we get
¯ ¯� �O O�E k T E5.07 1.61e B , which is applicable for the early
phase of neutrino emission from a hot PNS.

5. Time Evolution and Detection Threshold

5.1. How Long Are the Neutrinos Detectable?

Here, we investigate the observable timescale of neutrinos
from Galactic supernovae at 10 kpc. Figure 11 shows the
reverse cumulative event number distributions of the models in
Section 2.2 (blue lines) and Nakazato et al. (2013; gray lines).
Here the reverse cumulative event number is given by,

( ) ˙ ( )¨� �
d

N t Ndt, 3
t

where Ṅ is the event rate per unit time. Since data from
Nakazato et al. (2013) are only available up to 20 s, we use the

Figure 9. Expected number of IBD events as a function of time from the birth
of the PNS for a series of models described in Section 2.2. Note that the time
origin is different from the database model, since only the PNS cooling phase is
calculated in these models. Error bars are not shown in the bottom panel for
visibility.

Figure 10. Average energy of positrons from IBD reactions as a function of
time for a Galactic supernova observed by Super-Kamiokande assuming an
energy threshold of 5 MeV.

Table 2
Average Energy of Positrons from IBD Reactions from Equation (2)

Eth

3 MeV 5 MeV 7 MeV

kTν=1 MeV 5.63 7.00 8.69
kTν=1.5 MeV 7.85 8.73 10.1
kTν=2 MeV 10.2 10.8 11.8
kTν=2.5 MeV 12.7 13.1 13.8
kTν=3 MeV 15.2 15.5 16.0
kTν=3.5 MeV 17.8 17.9 18.3
kTν=4 MeV 20.3 20.4 20.7

Figure 11. Reverse cumulative event numbers as a function of time from PNS
cooling calculations. Blue lines are the models from Section 2.2 and gray lines
are from Nakazato et al. (2013).
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the total energy emitted by all flavors of neutrinos Etot. Note that the boosting factor

β is time-dependent because the heavy nuclei in the crust are absent for the early phase

and appear later once the temperature decreases below the Coulomb energy of the lattice

structure [11]. Therefore, we propose a two-component model to reproduce numerical models

of neutrino-light curves. The first component represents the early time without coherent

scattering (β = 3) and the second component represents the late time with the opacity boost

by the coherent scattering (β ! 1). The neutrino luminosity is given by the total luminosity

of two components, L1 + L2, and the average energy is estimated by the harmonic mean,
L1 + L2

L1/ 〈E1〉+ L2/ 〈E2〉
, where Li and 〈Ei〉 give the luminosity and average energy of i-th

components.
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Fig. 1 Luminosity (red) and average energy (blue) evolution for a flavor of neutrinos. The

first component is a model with β = 3 and Etot = 4× 1052 erg and the second component

is a model with β = 40 and Etot = 1× 1053 erg. For both components, MPNS = 1.5M!,

RPNS = 12 km, and g = 0.04. Grey lines are luminosity and average energy of ν̄e of the

model 147S in Ref. [12].

Figure 1 shows a comparison of the analytic model given here (colored lines) and the

numerical model 147S presented in Ref. [12] (grey lines), which is a numerical solution of

PNS cooling calculation that solves neutrino transfer equation with a nuclear-physics based

equation of state as well as the general relativistic hydrostatic equation. For the analytic

model, we employ the early-time solution (dashed lines) and the late-time solution (dotted

lines). The early-time solution indicates the cooling curve without the solid crust composed

of heavy nuclei (i.e., low β), while the late-time solution includes it (i.e., high β). The solid

red line is the total luminosity of the early-time and the late-time solutions, and the solid blue

line is the harmonic mean of the two average energies. The general profiles of the detailed

numerical solutions are reproduced well by the simple analytic solutions presented in this

paper. In the very early phase (t ! 1 s), the PNS contracts so that the gravitational energy

8/12

numerical 
(Suwa+ 2019)

analytic 
w/ 2 components 
• early: free nucleons 
• late: heavy nuclei

ニュートリノ輸送方程式の解析解 
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現象論的解析解
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データ解析パイプライン
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[Suwa, Harada, Harada, Koshio, Mori, Nakanishi, Nakazato, Sumiyoshi, Wendell, ApJ, 934, 15 (2022)]
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nuLC現状まとめ
ここまでで揃った道具 
厳密解：なし(-_-;) 
現象論：解析的ニュートリノ放射モデル(Suwa+ 2021)とデータ解析パイプライン(Suwa+ 2022) 
数値計算：O(10)秒のモデルが5 (Suwa+ 2019)+1(Mori+ 2021)+32(Nakazato+ 2022) 
今後やるべきこと 
数値計算のモデルグリッドをさらに広げ、モデル内挿方法の確立 
現象論のモデルパラメータを減らす（そんなに難しくない） 
解析パイプライン整備（原田さんによって大きく前進中！） 
そもそもの厳密解を作る（激ムズ） 
興味あるかた、ぜひ一緒にやりませんか？
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ちょっと話題を変えて、mini-burstについて

14
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広視野の光学観測は近傍超新星をほぼ確実に捕まえる

15

https://www.lsst.org

Vera Rubin Observatory / LSST (2024~)ASAS-SN (running)

https://users.obs.carnegiescience.edu/tholoien/research/asas-sn.html
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広視野の光学観測は近傍超新星をほぼ確実に捕まえる
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ASAS-SN (running)

4

FIG. 1. Idealized detection efficiency plot for ASAS-SN and
LSST. The detection efficiency is estimated by the values of
fdetect for each survey, which is based on the CCSN luminosity
functions of Ref. [73], CCSNe type weights of Ref. [75], the
sensitivity limits of each survey, and a redshift-dependent dust
scheme [76].

vey, given by [71]:

dNSN

d⌦dtobsdz
= RSN(z)

r
2
com

1 + z

drcom

dz
, (4)

where rcom is the co-moving distance. Taking into ac-
count observational effects, covered in Sec. III B, we re-
trieve the estimated observed CCSNe detection rate per
solid angle per redshift bin. Using this detection rate
along with each survey’s sky coverage and survey time,
we obtain the theoretical distance distribution of ob-
served CCSNe for each survey for an arbitrary choice
of redshift bin size.

A. Luminosity functions

We update the luminosity functions adopted in
Ref. [71], which is based on Ref. [72] from 2002, with the
latest luminosity functions from the same group updated
in 2014 [73]. Both Refs. [72, 73] use the same source
catalogue (the Asiago Supernova Catalogue [74]), how-
ever the number of SNe in the catalogue increased more
than three-fold between 2002 to 2014. Due to the larger
amount of data, Ref. [73] should more accurately de-
scribe the luminosity distributions of CCSNe, especially
the tails containing rarer explosions.

The luminosity functions are given in terms of abso-
lute magnitude, which we convert into apparent magni-
tude via Mx(z) = mx � µ(z) � Kx(z) � ⌘xy for survey
passband x and luminosity functions measured in pass-
band y. Here, Mx is the absolute magnitude, mx is the
apparent magnitude, µ(z) is the standard distance modu-
lus, Kx(z) is the K-correction which takes redshift effects

into account, and ⌘xy is a color correction due to the fact
that the luminosity functions are observed in a different
passband than the observational passbands of ASAS-SN
and LSST. The K-correction is found using Eq. (C1) of
Ref. [71]. This calculation requires the spectral shapes
of the supernovae and the passband sensitivities of the
bands of interest. The spectral shapes are taken to be
thermal blackbody spectra as prescribed by Ref. [77].
The passband sensitivities for the B-,g-,r-bands are taken
from Ref. [78]. The color correction is given by Eq. (3.8)
of Ref. [71]. This also requires the spectral shapes and
the passband sensitivities, as well as a zeropoint correc-
tion due to the fact that different passbands have differ-
ent zeropoints. The zeropoint corrections are calculated
found using the star BD+17�4708 [79, 80], which is the
zeropoint of the SDSS magnitude system [81].

B. Detection Efficiency

With the luminosity functions now defined in terms of
apparent magnitude in survey passbands, we can find the
detection efficiency as a function of distance of each sur-
vey. The detection efficiency represents the observable
fraction of supernovae that the surveys can detect de-
pending on their limiting magnitude and dust extinction
along the line of sight to the supernova.

For dust extinction, we adopt what is suggested by
Ref. [76]. This is stronger than what is used in Ref. [71],
which follows Ref. [82], but is based on recent nearby
supernovae observations making it a better model for
our needs. We also need to account for the fact that
there are different spectral subtypes of CCSNe, some
of which occur more frequently than others. In order
to correct for subtype distributions, we use volumetric
weight fractions, which describe how many CCSNe in a
volume-limited sample of supernovae observations corre-
spond to each subtype. We use those from the Lick Ob-
servatory Supernova Search [75] which finds a subtype
ratio Ibc:IIP:IIL:IIn of 0.27:0.57:0.08:0.07. Then, we de-
fine the detection efficiency to be [71]:

fdetect(z;m
sn
lim) = fmaglim(z;m

sn
lim)fdust(z), (5)

where fmaglim(z;msn
lim) is the fraction of CCSNe de-

tectable as a function of redshift due to the limiting mag-
nitude of a survey and fdust(z) is the fraction of CCSNe
not obscured by dust extinction as a fraction of redshift
[76]. The survey detection efficiencies are shown out to
⇠300 Mpc in Fig. 1. Both ASAS-SN and LSST converge
to an ideal detection efficiency ⇠0.8 at low distances, be-
cause the model of dust extinction we use assumes ⇠20%
are not detected. As seen in the figure, LSST remains
mostly complete out to over 300 Mpc, while ASAS-SN
quickly becomes inefficient past 50 Mpc. This is due to
the fact that ASAS-SN has a lower limiting magnitude
of g ⇠ 18, while LSST has limiting magnitude of r ⇠ 24.

ダスト吸収による減光で一部見逃す
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超新星が観測された時間だけ背景ニュートリノ探査
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時間

ノイズ 信号

背景ニュートリノ探査は全時間積分

超新星が起こった時間周辺だけ積分したらS/Nは得するか？
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Stacking analysis
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[Heston, Kehoe, Suwa, Horiuchi, arXiv:2302.04884]
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FIG. 7. Plot of LSST’s achievable range of uncertainty of core-
collapse time compared to summed ⌫̄e event numbers. The red
hatched region represents the DSNB region where too many
SNe are considered such that the neutrino signal is “always
on”. The blue shaded region is the “region of interest” where
LSST can see enough CCSNe such that at least 1 neutrino is
detected. There is an abrupt stop on the left for the red line
which corresponds to all of the observed CCSNe our model
predicts LSST can see in one year.

early light curve of the SN. For example, treating it as a
two-phase system with initial blackbody radiation from
shock breakout followed by an expansion of a luminous
shell, Ref. [86] used real SN light curve data (SN1987A,
SN2006aj, and SN2008D) and determined the explosion
time within an accuracy of better than a few hours. If we
optimistically assume LSST will be capable of lowering
the core-collapse uncertainty time to approximately an
hour with such techniques, we can consider the closest
⇠9000 CCSNe, increasing IBD event yield to >1 events.

With the above prescription, we identify a “region of in-
terest” where LSST can observe enough CCSNe such that
the combined detection rate is >1 neutrino. We show
this region in Fig. 7 as the shaded blue patch. The red
hatched region is the continuous (DSNB) region where
one would be studying more CCSNe than are allowed for
a certain precision in time of core collapse (�t). The
horizontal dashed line corresponds to 1 IBD event, and
the two vertical dashed lines correspond to �t values of 1
hour (left) and 1 day (right). We see that there is a rea-
sonably sizeable area of the parameter space that allows
for >1 detected events.

Using the average background rate from SK and the
neutron tagging efficiency brought by Gd doping, we can
calculate the background of our theoretical CCSNe neu-
trino signal. The largest the background can be without
our signal being in the DSNB regime assumes that we are
considering the maximal amount of CCSNe for a given
uncertainty in time of core collapse. The estimated back-
ground for this “maximal” signal region comes out to ⇠57
events per year assuming a Gd doped two tank HK with

the same background rate as SK-II. This is much larger
than our expected signal of ⇠1 CCSNe neutrino event.
Even with perfect modeling, Poisson fluctuations will bep
57 ⇠ 7.6 > signal rate. Therefore, this coincidence

search should be performed over several years of data so
that only the closest CCSNe can be used, resulting in a
better signal-to-noise.

As an example, we estimate event yields corresponding
to up to 10 years of data taking with LSST and HK while
studying the closest N CCSNe. Extending to longer ob-
servation periods should help as the average distance of
the closest N CCSNe should decrease over longer times,
thus giving a larger combined detection rate. For the
backgrounds, we assume that the uncertainty in time of
core collapse is 1 hour, thus making each search window
an hour long. Assuming that HK will have a background
similar to SK-II and that it will have Gd, this gives a de-
tection significance of 2.72� for a single neutrino event.
Therefore, we must make sure to look N < 150 CCSNe,
as that is the false alarm rate (FAR) for a false positive
neutrino detection. With this, we chose to test different
observation durations with the same number of CCSNe
studied. The number of CCSNe we study has an upper
limit givin by the FAR and a lower limit which is some-
what arbitrary and chosen to be large enough such that
we are not cutting out too many intermediate distance
CCSNe. With those constraints in mind with our model,
we chose to study the closest N = 100 CCSNe. The
resulting estimates for differing observation periods are
shown in Table I.

We can see from Table I that the average distance
for CCSNe decreases with increasing years spent observ-
ing. This is what causes the combined detection rate
(Summed ⌫̄e Events column) to increase when the same
amount of CCSNe are considered with increasing years
observed. Also, if enough time is spent observing, then
closer CCSNe will occur, such as the closest distance only
decreasing when 10 years of observations are done. Once
8 years of data is taken, the combined detection rate is
⇠1 event when studying 100 CCSNe. So, we can expect
that once 8 years of data is taken, we can begin to ex-
pect neutrino detections from the intermediate distance
regime. In terms of the number of background events,
assuming the same rate as SK-II and a search window
of one hour, the resultant background of a single win-
dow is 0.0066 events with Poisson fluctuations of 0.081.
As previously mentioned, the significance of detecting 1
neutrino with this background is ⇠2.72�.

V. SUMMARY AND DISCUSSION

In this work, we have explored an approach to detect
CCSN neutrinos in the intermediate distance regime be-
tween Galactic CCSN neutrinos and the DSNB. The ap-
proach relies on using a timing coincidence between the
neutrino signal and the optical signal of the CCSN ex-
plosion. We use a combined detection rate to estimate

6

FIG. 4. Scatter plot of the observed CCSNe from ASAS-SN
for 2018 and 2019. Red denotes confirmed CCSNe, blue is
Type Ia SNe, and green is unknown type SNe. The scatter
plot is on a Aitoff projection in galactic coordinates.

can all reduce the detection efficiency.

IV. RESULTS

In this section, we explore the prospects of detecting
neutrinos from intermediate distance CCSNe. We first
explore the probability of detecting a neutrino event from
a CCSN with different detector configurations. Next, we
find the significance of detecting a single neutrino with
a certain expected number of background events that is
dependent on the search window size. Finally, we find
the expected CCSNe neutrino event rates over differing
years spent collecting observations. As detected events
are integers and we are summing fractional events, the
actual number of events may be lower or higher [85].

A. Detecting a single neutrino event

We use Poisson statistics to find the probabilities and
significances of detecting a single neutrino event from a
CCSN with different detector setups. Specifically, what
we care about is the cumulative distribution function
(CDF), Q (bk + 1c,�), where Q is the regularized gamma
function, bxc is the floor function of x, k is the integer in-
dex corresponding to the number of events, and � is the
expected number of events. The CDF itself represents
the cumulative probability of detecting k or less events.
With the CDF, we can then find the probability of detect-
ing at least one neutrino event as 1�Q (b1c,�), where we
set k = 0. For the values of �, we calculate the expected
number of events using Eq. (3) for the following detec-
tor configurations: one tank HK without Gd, one tank

FIG. 5. Probability of detecting at least one neutrino event
from a CCSN as a function of distance using different detector
configurations. Gd doping has a larger horizon as it allows for
a wider energy band: Elow = 11 MeV instead of 16 MeV.

HK with Gd, two tank HK without Gd, and two tank
HK with Gd. The resulting probabilities are shown in
Fig. 5. This detection horizon does not take into account
backgrounds and the differences arise from the different
energy ranges for no doping (Elow = 16 MeV) versus Gd
doping (Elow = 11 MeV) and detector mass. We keep
Ehigh fixed to 30 MeV.

All configurations should be able to detect at least one
neutrino from a CCSN occurring within ⇠1 Mpc. The
only large galaxies within 1 Mpc are Andromeda and
Triangulum. Estimating their core collapse rates from
their star formation rates and adding that to the Milky
Way core collapse rate, we retrieve that within 1 Mpc
CCSNe should occur at a rate of 3–5 per century. Using
the star formation rates to estimate the core collapse rate
at these small distances gives us a lower limit. Galaxies
at these small distances are targets for DLT40.

Next, we find the significance of detecting a single neu-
trino event. For this, we again use the CDF with k = 0,
but now � = Rbkgd�t where Rbkgd is the background rate
and �t is the search window size. For the background
rates, we use the rates of Ref. [46], an offline DSNB search
of SK data. Although HK will have a lower photomul-
tiplier tube (PMT) coverage than SK, which can result
in higher backgrounds, the use of higher efficiency PMTs
in HK can partially offset this issue. For our purposes,
we will estimate backgrounds based on SK runs, but fur-
ther work will be necessary to quantify the impacts of the
HK design. Our main focus is to explore to what extent
backgrounds could be a major issue.

We use two different background rates: one is the back-
ground rate from the SK-II run and another is the average
background rate of the first three SK runs. We expect
HK’s background rate to be most similar to SK-II, as
that is the period when SK had lower PMT coverage.
As a side note, the studies of DSNB neutrinos at SK

5

FIG. 2. Idealized differential CCSN rate observed at ASAS-
SN and LSST calculated with Eq. (6) using the linear CSFR
fit of Ref. [83].

C. Observed Differential CCSNe Rate and
Distance Distribution

The next step for modeling the number of observable
CCSNe is to derive the CSNR, RSN. We estimate the
CSNR to be proportional to the CSFR, ⇢̇⇤. We use the
linear piece-wise fit of Ref. [83]. The linear fit is used
as it has a better match to observations at the small
distances we are concerned about in this work. Assuming
a Salpeter A initial mass function [84] and taking the
initial stellar mass of CCSNe progenitors to be between
8–50 M�, we find that RSN/⇢̇⇤ = 0.00914 M

�1
� .

The idealized observation rate of CCSNe is then just
given by Eq. (4). However, we have to take observational
effects into account that will decrease the observed rate
compared to the ideal rate. These observational factors
are what comprise fdetect. Therefore, the observed CSNR
per solid angle and redshift bin is then given by [71],

�SN,obs,x(z) ⌘
dNSN,obs,x

dtobs dz d⌦

= RSN(z) fdetect,x(z;m
sn
lim)

r(z)2com
1 + z

drcom

dz
.

(6)

This observed CSNR is shown in Fig. 2. LSST follows
a mostly volumetric increase out to ⇠300 Mpc, whereas
ASAS-SN begins to flatten past ⇠50 Mpc. This is due
to the fact that ASAS-SN is inefficient at these large dis-
tances, so even though there are more CCSNe occurring
at these distances, the vast majority of them are not ob-
servable for ASAS-SN due to its limiting magnitude.

Using Eq. (6), we can work out the theoretical observed
differential number of CCSNe per redshift bin per year
over each survey’s scan area. This is done by multiplying
Eq. (6) by the respective scan area of each survey �⌦,

FIG. 3. Modeled differential histogram over distance bins
for the observable CCSNe per year for ASAS-SN and LSST
within 100 Mpc. ASAS-SN has a larger sky coverage so it sees
more CCSNe at these distances even though it has a smaller
detection efficiency.

the observation time �tobs (one year), and the redshift
bin size �z (=0.002). The fineness of the redshift bin-
ning was chosen to represent a velocity space uncertainty
of ±300 km/s. The CCSNe for each survey is calculated
according to this method and most are shown in Fig. 3.
We see that ASAS-SN’s closest CCSNe occur at smaller
distances than the closest of LSST. This comes from the
fact that ASAS-SN, even though it is more inefficient
than LSST at large distances, has a larger sky coverage
which causes it to see more CCSNe at the closest dis-
tances.

Compared to ASAS-SN, our rate estimates are large.
For example, during the years 2018–2019 (which are more
complete than the most recent 2020–2021 [69]), ASAS-
SN observed a total of 495 SNe, of which 289, 96, and
110 are classified spectrally as Type Ia, CCSNe, and un-
known, respectively1. Of the confirmed CCSNe, 2, 9,
and 22 are within 20, 40, and 60 Mpc. By comparison,
we estimate 2, 36, and 95, which are significantly higher.
There are several reasonable reasons for the difference.
First, the sky coverage of ASAS-SN is less than the full
sky: in Fig. 4 we show the sky positions of all observed
SNe by ASAS-SN from 2018 and 2019, regardless of type
and redshift, in Aitoff projection in galactic coordinates,
which shows a clear dearth of SNe along the Milky Way
plane. With a sky coverage reduction factor of ⇠3 we
can match ASAS-SN out to ⇠25 Mpc. Nevertheless, we
are surely likely to be missing additional effects of dust,
host galaxy confusion, weather/seeing, run-time incom-
pleteness, etc, which we do not attempt to correct but

1 https://www.astronomy.ohio-state.edu/asassn/sn_list.
html
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まとめ
超新星ニュートリノから物理に迫るために必要な道具 
厳密解：手付かず 
現象論：ここのところ進捗あり 
数値計算：方法は成熟したので、次はモデルグリッド整備 
nuLCコラボレーションで道具は揃いつつあるが、まだまだ課題は山積み 

mini-burst (~1個/SN) 探査はターゲット時間積分のほうが効率よい 
重力崩壊が起こった時間をどこまで絞り込めるか、が重要 
Rubin (2024~) + HK (2027~) 時代の超新星ニュートリノデータ解析も面白い
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