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Figure 5. Left panel: maximum, minimum, and average shock radius for models G11 and G15. In both cases, the shock expands and SASI activity increases
considerably when the Si/SiO interface reaches the shock (at ≈100 ms and ≈150 ms, respectively). It recedes again in the case of model G15, and the explosion is
launched only several hundred ms later. Right panel: the diagnostic “explosion energy” for both models (see the text for exact definition).

Q̇ν , is only ∼5 × 1050 erg s−1. With a typical binding energy of
a mass element at the gain radius of ∼30 MeV baryon−1, this
implies that only ∼0.01 M% s−1 of additional material can be-
come unbound by neutrino heating. The actual mass flux from
the heating region into the ejecta is somewhat higher because
recombination of nucleons into α-particles also contributes part
of the energy for unbinding the newly ejected material. Since
the ejecta from the gain region are channeled through relatively
narrow outflows into high-entropy bubbles (cp. Figure 6) at
high velocities, neutrino heating is rather inefficient due to the
short exposure time. This also implies that only a small excess
energy—i.e., much smaller than the maximum energy avail-
able from recombination of 8.8 MeV baryon−1—remains for in-
creasing the total (internal+kinetic+gravitational) energy of the
ejecta. Newly ejected material thus adds only a few 1049 erg s−1

to the explosion energy. However, the shock also sweeps up ma-
terial at a rate of about 0.05 M% s−1, which implies a negative
energy flux into the “ejecta region” of ∼5 × 1049 erg s−1. This
may balance or even exceed the energy carried by fresh ejecta
from the gain region, thus accounting for the unsteady evolution
of Eexpl. With energy being fed into the ejecta at such a low rate,
a considerable fraction of the material swept up by the shock
will be channeled into the downflows and accreted onto the PNS
(Figure 6). We already observe that the accretion rate onto the
PNS starts to increase again toward the end of the simulation,
which leads to a late-time rise of the electron neutrino and an-
tineutrino luminosities (which will be discussed in a subsequent
paper on the neutrino signal). All these indications suggest that
model G11 remains a low-energy case and is likely to represent
a fallback supernova, i.e., the shock will propagate through the
envelope and initially accelerate the swept-up material to posi-
tive velocities, but a large fraction of the shocked material will
remain gravitationally bound and eventually fall back onto the
neutron star.

4.1.3. Ejecta Composition

Although the final ejecta composition for our models can only
be determined by detailed nucleosynthesis calculations once
the amount of fallback is known, a few remarks can already
be made about the nucleosynthesis conditions on the basis of
the entropy (Figure 6) and the electron fraction (Figure 7) of
the material that is presumably ejected. Low-entropy matter

(s ! 10 kb nucleon−1) with Ye ≈ 0.5 that has undergone
little or no neutrino heating, but has either been swept up
directly by the shock or has been pushed out by neutrino-heated
bubbles before falling inward to smaller radii, contributes most
of the mass in the “ejecta region.” Depending on the maximum
temperature reached before expansion sets in, this material has
partially been processed by nuclear burning to various degrees:
according to the simple “flashing” treatment in the Vertex code
(Rampp & Janka 2002), intermediate-mass elements dominate
the composition.

Hot, neutrino-processed material with entropies of up to
35 kb nucleon−1 makes up only for a small fraction (∼0.005 M%
or ∼11%) of the material classified as ejecta by the end of the
simulation. This part of the ejecta is proton-rich with an electron
fraction Ye ranging from ≈0.51 up to ≈0.58. Different from
the case of electron-capture supernovae (Wanajo et al. 2011)
and unlike Pruet et al. (2005), who considered an artificially
triggered 2D explosion of the 15 M% progenitor of Woosley
& Weaver (1995), we do not observe any slightly neutron-
rich pockets in the ejecta, which is a consequence of the
different (slower) outflow dynamics (a detailed analysis will
be provided in a forthcoming paper). We therefore expect the
nucleosynthesis yields to conform with the established results
for proton-rich outflow conditions, i.e., the ejecta composition
will be dominated by 56Ni and helium with an admixture of a
few rare isotopes (45Sc, 49Ti, and 64Zn) with large production
factors (Pruet et al. 2005; Fröhlich et al. 2006a). Depending
on the neutrino luminosities there may also be the potential for
νp-process nucleosynthesis (Fröhlich et al. 2006b; Pruet et al.
2006).

4.2. 15 M% Model

4.2.1. Shock Propagation and Explosion Morphology

Unlike the 11.2 M% case, the development of the explo-
sion in model G15 is not immediately connected to the
Si/SiO interface reaching the shock, although the decrease in the
accretion rate results in a transient increase of the average shock
to 220 km at 200 ms after bounce (see Figures 2 and 4) and also
in increased SASI activity (Figure 3, right panel). However,
230 ms after bounce the shock again starts to recede slowly
with the average shock radius reaching a minimum value of
about 100 km at 380 ms. During this period, the SASI remains

8

The Astrophysical Journal, 756:84 (22pp), 2012 September 1 Müller, Janka, & Marek

0 0.1 0.2 0.3 0.4 0.5 0.6 0.7 0.8
time after bounce [s]

-0.2

-0.1

0

0.1

0.2

0.3

0.4

a l/a
0

l=1
l=2
l=3

G11

0 0.1 0.2 0.3 0.4 0.5 0.6 0.7
time after bounce [s]

-0.5

0

0.5

1

a l/a
0

l=1
l=2
l=3

G15

Figure 3. First, second, and third coefficients a1, a2, and a3 of the decomposition of the shock radius into Legendre polynomials, normalized to the coefficient a0 (i.e.,
the average shock radius) for model G11 (left panel) and model G15 (right panel).
(A color version of this figure is available in the online journal.)
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Figure 4. Entropy along the north and south polar axis as a function of time for models G11 (left) and G15 (right). The trajectory of the Si/SiO interface—initially
located at ≈1200 km and ≈1800 km, respectively—is visible as a discontinuity in brightness. We point out that model G11 (left) still shows strong SASI activity with
repeated phases of shock stagnation or retraction during its long approach to the explosion. It should also be noted that the entropy of the buoyant bubbles pushing
the shock further out in the polar directions is quite moderate in this case. Model G15 (right) shows a strong dipolar asymmetry during the explosion phase: while
neutrino-heated high-entropy plumes have pushed the shock outward with a propagation velocity of !10,000 km s−1 along the northern polar direction, the shock
radius in the opposite direction grows much more slowly and non-monotonically. Note that only parts of the simulations are covered by the plots because many features
of the earlier phases would not be recognizable on a different scale.
(A color version of this figure is available in the online journal.)

some residual fluctuations. By the end of simulation, the total
mass of the material with positive binding energy amounts to
0.045 M#.

Despite this seeming “saturation” of Eexpl, no definitive
statement about the final explosion energy can be made as yet at
this stage, although we can tentatively estimate corrections due
to the energy input from nuclear burning in the shock, Eburn,
the recombination of nucleons into α-particles (and possibly
further into heavy nuclei), and the deduction of the binding
energy Epreshock of the unshocked matter. All of these correction
terms are of a similar magnitude as the current diagnostic value
Eexpl: the binding energy Epreshock of all the material ahead of
the shock is roughly −7.5 × 1049 erg (i.e., exceeding Eexpl),
which would have to be included in the total explosion energy
budget if these layers were expelled completely. In reality, part
of the pre-shock material will not become unbound but accreted
onto the PNS, and the correction to the explosion energy will
be smaller, but only a (considerably) longer simulation could
provide precise values.

Recombination of nucleons and α-particles in the ejecta
would provide an additional energy of Erec ≈ 2 × 1049 erg.
Burning in the shock will not yield any significant contribution
with the current shock velocities as the typical post-shock
temperatures are already too low (<3 × 109 K) to allow for
explosive Si and O burning. The uncertainties in these numbers
illustrate that in order to obtain a reasonably accurate prediction
for the explosion energy of model G11, the simulation probably
needs to be extended until the shock reaches the C–O shell
at !2 × 104 km (at which point the binding energy of the
remaining pre-shock matter would be negligible). The final
explosion energy depends critically on the fraction of shocked
material from this shell that is accreted onto the PNS and thus
need not become unbound at all.

The slow growth and the stagnation of the diagnostic explo-
sion energy visible in Figure 5 at late times is a consequence of
relatively inefficient neutrino heating in model G11 associated
with an unfavorable 2D flow geometry in this case. In the late
phases, the rate of energy input by neutrinos in the gain region,

7

衝撃波半径	

エントロピー	

The Astrophysical Journal, 756:84 (22pp), 2012 September 1 Müller, Janka, & Marek

0.1 0.2 0.3 0.4 0.5
time after bounce [s]

0

10

20

30

40

50

60

70

r(
ρ=

10
11

g 
cm

-3
) [

km
]

0.1 0.2 0.3 0.4 0.5
3

4

5

6

7

T
(ρ

=1
011

g 
cm

-3
) [

10
10

 K
]

G15
M15
S15
N15

Figure 13. Circumferential radius (decreasing with time) and surface tempera-
ture (increasing) of the proto-neutron star for models G15, M15 S15, and N15.
The surface is defined by a fiducial density value of ρ = 1011 g cm−3.
(A color version of this figure is available in the online journal.)

mass-specific kinetic energy contained in non-radial mass mo-
tions, Ekin,θ/Mgain, is typically lower than in model G15 (Fig-
ure 15) by 40%–50%. Stronger convection in GR partly com-
pensates for the reduction of Mgain and τadv due to the smaller
neutron star radius and therefore helps to turn the scales in favor
of a larger value of the runaway criterion τadv/τheat—the large
reduction of τheat emerges as the dominant effect (Figure 10).

In comparing model N15 to G15 and M15, we should also
bear in mind that N15 was computed with a higher angular
resolution of 128 zones, which might be beneficial for the

heating conditions because it was seen to foster explosions in
2D simulations of Hanke et al. (2012). The increase of τadv/τheat
in GR compared to the Newtonian approximation may therefore
even be underestimated by our analysis.

5.3.2. Effective Potential Approximation versus General Relativity

The comparison between models G15 (GR) and M15 (effec-
tive potential) is somewhat more subtle, but the different heating
conditions can still be traced back—at least partly—to the neu-
trino emission from the PNS. Again, the neutrino luminosities
and mean energies at the gain radius (Figure 14) turn out to
be the crucial factor. In the early phase, the GR run exhibits a
noticeable enhancement in the electron antineutrino luminos-
ity (by ≈15%) and to a lesser extent in the electron neutrino
luminosity. In addition, the mean energies of νe and ν̄e tend to
increase more strongly at late times, with the difference reaching
almost 1 MeV for the antineutrinos.

Interestingly, the tendency toward slightly more energetic
νe’s and ν̄e’s in GR is already present in 1D (see Paper I).
This is presumably the result of a slightly different density
stratification in GR that cannot be reproduced exactly by the
modified Newtonian potential and the approximate GR transport
treatment (e.g., due to the identification of coordinate radius and
proper radius) used for the M15 run (cp. Marek et al. 2006). The
circumferential radius of the PNS (defined as the radius where
the density drops to 1011 g cm−3) is indeed larger by 2%–4% in
GR, and its surface is somewhat hotter at late times (Figure 13).
In contrast to the higher νe and ν̄e luminosities in model G15, the
luminosity of µ and τ neutrinos is smaller in the GR case. This
is the result of GR transport effects and a different stratification
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Figure 14. Neutrino mean energies (upper panels) and luminosities (lower panels) at the gain radius for the relativistic model G15 (black solid lines), the pseudo-
Newtonian model M15 (red dashed lines), the relativistic model S15 with simplified neutrino rates (blue dash-dotted lines), and the purely Newtonian run N15 (black,
dotted). Electron neutrinos, electron antineutrinos, and µ/τ neutrinos are shown in the left, middle, and right panels of each row, respectively. The mean energy is
defined as the ratio of the angle-averaged neutrino energy and number density, and the luminosity is computed as the integral of the flux over the sphere corresponding
to the gain radius. The luminosity given here is for a single species of νµ/τ , not for all four of them.
(A color version of this figure is available in the online journal.)
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Figure 13. Circumferential radius (decreasing with time) and surface tempera-
ture (increasing) of the proto-neutron star for models G15, M15 S15, and N15.
The surface is defined by a fiducial density value of ρ = 1011 g cm−3.
(A color version of this figure is available in the online journal.)

mass-specific kinetic energy contained in non-radial mass mo-
tions, Ekin,θ/Mgain, is typically lower than in model G15 (Fig-
ure 15) by 40%–50%. Stronger convection in GR partly com-
pensates for the reduction of Mgain and τadv due to the smaller
neutron star radius and therefore helps to turn the scales in favor
of a larger value of the runaway criterion τadv/τheat—the large
reduction of τheat emerges as the dominant effect (Figure 10).

In comparing model N15 to G15 and M15, we should also
bear in mind that N15 was computed with a higher angular
resolution of 128 zones, which might be beneficial for the

heating conditions because it was seen to foster explosions in
2D simulations of Hanke et al. (2012). The increase of τadv/τheat
in GR compared to the Newtonian approximation may therefore
even be underestimated by our analysis.

5.3.2. Effective Potential Approximation versus General Relativity

The comparison between models G15 (GR) and M15 (effec-
tive potential) is somewhat more subtle, but the different heating
conditions can still be traced back—at least partly—to the neu-
trino emission from the PNS. Again, the neutrino luminosities
and mean energies at the gain radius (Figure 14) turn out to
be the crucial factor. In the early phase, the GR run exhibits a
noticeable enhancement in the electron antineutrino luminos-
ity (by ≈15%) and to a lesser extent in the electron neutrino
luminosity. In addition, the mean energies of νe and ν̄e tend to
increase more strongly at late times, with the difference reaching
almost 1 MeV for the antineutrinos.

Interestingly, the tendency toward slightly more energetic
νe’s and ν̄e’s in GR is already present in 1D (see Paper I).
This is presumably the result of a slightly different density
stratification in GR that cannot be reproduced exactly by the
modified Newtonian potential and the approximate GR transport
treatment (e.g., due to the identification of coordinate radius and
proper radius) used for the M15 run (cp. Marek et al. 2006). The
circumferential radius of the PNS (defined as the radius where
the density drops to 1011 g cm−3) is indeed larger by 2%–4% in
GR, and its surface is somewhat hotter at late times (Figure 13).
In contrast to the higher νe and ν̄e luminosities in model G15, the
luminosity of µ and τ neutrinos is smaller in the GR case. This
is the result of GR transport effects and a different stratification
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Figure 14. Neutrino mean energies (upper panels) and luminosities (lower panels) at the gain radius for the relativistic model G15 (black solid lines), the pseudo-
Newtonian model M15 (red dashed lines), the relativistic model S15 with simplified neutrino rates (blue dash-dotted lines), and the purely Newtonian run N15 (black,
dotted). Electron neutrinos, electron antineutrinos, and µ/τ neutrinos are shown in the left, middle, and right panels of each row, respectively. The mean energy is
defined as the ratio of the angle-averaged neutrino energy and number density, and the luminosity is computed as the integral of the flux over the sphere corresponding
to the gain radius. The luminosity given here is for a single species of νµ/τ , not for all four of them.
(A color version of this figure is available in the online journal.)
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Figure 5. Left panel: maximum, minimum, and average shock radius for models G11 and G15. In both cases, the shock expands and SASI activity increases
considerably when the Si/SiO interface reaches the shock (at ≈100 ms and ≈150 ms, respectively). It recedes again in the case of model G15, and the explosion is
launched only several hundred ms later. Right panel: the diagnostic “explosion energy” for both models (see the text for exact definition).

Q̇ν , is only ∼5 × 1050 erg s−1. With a typical binding energy of
a mass element at the gain radius of ∼30 MeV baryon−1, this
implies that only ∼0.01 M% s−1 of additional material can be-
come unbound by neutrino heating. The actual mass flux from
the heating region into the ejecta is somewhat higher because
recombination of nucleons into α-particles also contributes part
of the energy for unbinding the newly ejected material. Since
the ejecta from the gain region are channeled through relatively
narrow outflows into high-entropy bubbles (cp. Figure 6) at
high velocities, neutrino heating is rather inefficient due to the
short exposure time. This also implies that only a small excess
energy—i.e., much smaller than the maximum energy avail-
able from recombination of 8.8 MeV baryon−1—remains for in-
creasing the total (internal+kinetic+gravitational) energy of the
ejecta. Newly ejected material thus adds only a few 1049 erg s−1

to the explosion energy. However, the shock also sweeps up ma-
terial at a rate of about 0.05 M% s−1, which implies a negative
energy flux into the “ejecta region” of ∼5 × 1049 erg s−1. This
may balance or even exceed the energy carried by fresh ejecta
from the gain region, thus accounting for the unsteady evolution
of Eexpl. With energy being fed into the ejecta at such a low rate,
a considerable fraction of the material swept up by the shock
will be channeled into the downflows and accreted onto the PNS
(Figure 6). We already observe that the accretion rate onto the
PNS starts to increase again toward the end of the simulation,
which leads to a late-time rise of the electron neutrino and an-
tineutrino luminosities (which will be discussed in a subsequent
paper on the neutrino signal). All these indications suggest that
model G11 remains a low-energy case and is likely to represent
a fallback supernova, i.e., the shock will propagate through the
envelope and initially accelerate the swept-up material to posi-
tive velocities, but a large fraction of the shocked material will
remain gravitationally bound and eventually fall back onto the
neutron star.

4.1.3. Ejecta Composition

Although the final ejecta composition for our models can only
be determined by detailed nucleosynthesis calculations once
the amount of fallback is known, a few remarks can already
be made about the nucleosynthesis conditions on the basis of
the entropy (Figure 6) and the electron fraction (Figure 7) of
the material that is presumably ejected. Low-entropy matter

(s ! 10 kb nucleon−1) with Ye ≈ 0.5 that has undergone
little or no neutrino heating, but has either been swept up
directly by the shock or has been pushed out by neutrino-heated
bubbles before falling inward to smaller radii, contributes most
of the mass in the “ejecta region.” Depending on the maximum
temperature reached before expansion sets in, this material has
partially been processed by nuclear burning to various degrees:
according to the simple “flashing” treatment in the Vertex code
(Rampp & Janka 2002), intermediate-mass elements dominate
the composition.

Hot, neutrino-processed material with entropies of up to
35 kb nucleon−1 makes up only for a small fraction (∼0.005 M%
or ∼11%) of the material classified as ejecta by the end of the
simulation. This part of the ejecta is proton-rich with an electron
fraction Ye ranging from ≈0.51 up to ≈0.58. Different from
the case of electron-capture supernovae (Wanajo et al. 2011)
and unlike Pruet et al. (2005), who considered an artificially
triggered 2D explosion of the 15 M% progenitor of Woosley
& Weaver (1995), we do not observe any slightly neutron-
rich pockets in the ejecta, which is a consequence of the
different (slower) outflow dynamics (a detailed analysis will
be provided in a forthcoming paper). We therefore expect the
nucleosynthesis yields to conform with the established results
for proton-rich outflow conditions, i.e., the ejecta composition
will be dominated by 56Ni and helium with an admixture of a
few rare isotopes (45Sc, 49Ti, and 64Zn) with large production
factors (Pruet et al. 2005; Fröhlich et al. 2006a). Depending
on the neutrino luminosities there may also be the potential for
νp-process nucleosynthesis (Fröhlich et al. 2006b; Pruet et al.
2006).

4.2. 15 M% Model

4.2.1. Shock Propagation and Explosion Morphology

Unlike the 11.2 M% case, the development of the explo-
sion in model G15 is not immediately connected to the
Si/SiO interface reaching the shock, although the decrease in the
accretion rate results in a transient increase of the average shock
to 220 km at 200 ms after bounce (see Figures 2 and 4) and also
in increased SASI activity (Figure 3, right panel). However,
230 ms after bounce the shock again starts to recede slowly
with the average shock radius reaching a minimum value of
about 100 km at 380 ms. During this period, the SASI remains
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Figure 1. Three-dimensional plots of entropy per baryon (top panel), τres/τheat
(bottom left panel), which is the ratio of the residency to the neutrino-heating
timescale (see the text for details), and the net neutrino-heating rate (bottom
right panel, in units of erg cm−3 s−1) for three snapshots (top and bottom left:
t = 230 ms, and bottom right: t = 150 ms measured after the bounce (t ≡ 0) of
our model 3D-H-1). The contours on the cross sections in the x = 0 (back right),
y = 0 (back bottom), and z = 0 (back left) planes are projected on the sidewalls
of the graphs. For each snapshot, the length of the white line is indicated in the
bottom right text.
(A color version of this figure is available in the online journal.)

shock expansion in this study. It should be mentioned that, by
comparing our νx luminosity estimated by the leakage scheme
with that obtained by the work of Buras et al. (2006) with
detailed neutrino transport, the peak luminosity is more than
20% smaller in our case. Such underestimation of cooling
by heavy-lepton neutrinos should lead to artificially larger
maximum shock extent (Rmax ∼ 260 km, blue line in the right
panel of Figure 2) compared to Rmax ∼ 170 km in Buras et al.
(2006). We have to emphasize that the use of the leakage scheme,
together with the omission of inelastic neutrino scattering on
electrons and general relativity (GR) effects in the present
scheme, is likely to facilitate artificially easier explosions.
Regarding our 2D models, the relatively earlier shock revival
(∼100 ms postbounce) coincides with the decline of the mass
accretion rate onto the central PNS. This could be the reason
that the timescale is similar to that in Müller et al. (2012) who
reported 2D (GR) models for the same progenitor model with
detailed neutrino transport.

As seen from Figure 3, the angle-averaged neutrino lu-
minosity (〈Lν〉) and the mean neutrino energy (〈εν〉 =∫

E3F sdE/
∫

E2F sdE, where E is neutrino energy) are barely
affected by the imposed initial perturbations (presumably at a
few-percent levels in amplitude). This again supports our finding
that the explosion stochasticity is very influential in determining
the blast morphology but not the working of the neutrino-heating
mechanism.

From the bottom panel of Figure 3, it can be seen that
the overall trend in the neutrino luminosities and the mean
energies is similar between our 3D and 2D models. The neutrino
luminosities in the 2D model (green lines) show a short-time
variability (with periods of milliseconds to !10 ms) after around
100 ms postbounce. Such fast variations in the postbounce
luminosity evolution have been already found in previous 2D
studies (e.g., Ott et al. 2008; Marek et al. 2009). This is caused
by the modulation of the mass accretion rate due to convective
plumes and downflows hitting onto the PNS surface (see also
Lund et al. 2012 and Tamborra et al. 2013 about the detectability
of these neutrino signals). It is interesting to note that such a
fast variability is less pronounced in our 3D model (red lines
in the bottom panel). This is qualitatively consistent with Lund
et al. (2012) who analyzed the neutrino signals from 2D and 3D
models, in which an approximate neutrino transport was solved
(Wongwathanarat et al. 2010) as in Scheck et al. (2006).

Figure 4 shows the evolution of the average PNS radius
for the 1D (blue line), 2D (green line), and 3D models (red
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Figure 1. Three-dimensional plots of entropy per baryon (top panel), τres/τheat
(bottom left panel), which is the ratio of the residency to the neutrino-heating
timescale (see the text for details), and the net neutrino-heating rate (bottom
right panel, in units of erg cm−3 s−1) for three snapshots (top and bottom left:
t = 230 ms, and bottom right: t = 150 ms measured after the bounce (t ≡ 0) of
our model 3D-H-1). The contours on the cross sections in the x = 0 (back right),
y = 0 (back bottom), and z = 0 (back left) planes are projected on the sidewalls
of the graphs. For each snapshot, the length of the white line is indicated in the
bottom right text.
(A color version of this figure is available in the online journal.)

shock expansion in this study. It should be mentioned that, by
comparing our νx luminosity estimated by the leakage scheme
with that obtained by the work of Buras et al. (2006) with
detailed neutrino transport, the peak luminosity is more than
20% smaller in our case. Such underestimation of cooling
by heavy-lepton neutrinos should lead to artificially larger
maximum shock extent (Rmax ∼ 260 km, blue line in the right
panel of Figure 2) compared to Rmax ∼ 170 km in Buras et al.
(2006). We have to emphasize that the use of the leakage scheme,
together with the omission of inelastic neutrino scattering on
electrons and general relativity (GR) effects in the present
scheme, is likely to facilitate artificially easier explosions.
Regarding our 2D models, the relatively earlier shock revival
(∼100 ms postbounce) coincides with the decline of the mass
accretion rate onto the central PNS. This could be the reason
that the timescale is similar to that in Müller et al. (2012) who
reported 2D (GR) models for the same progenitor model with
detailed neutrino transport.

As seen from Figure 3, the angle-averaged neutrino lu-
minosity (〈Lν〉) and the mean neutrino energy (〈εν〉 =∫

E3F sdE/
∫

E2F sdE, where E is neutrino energy) are barely
affected by the imposed initial perturbations (presumably at a
few-percent levels in amplitude). This again supports our finding
that the explosion stochasticity is very influential in determining
the blast morphology but not the working of the neutrino-heating
mechanism.

From the bottom panel of Figure 3, it can be seen that
the overall trend in the neutrino luminosities and the mean
energies is similar between our 3D and 2D models. The neutrino
luminosities in the 2D model (green lines) show a short-time
variability (with periods of milliseconds to !10 ms) after around
100 ms postbounce. Such fast variations in the postbounce
luminosity evolution have been already found in previous 2D
studies (e.g., Ott et al. 2008; Marek et al. 2009). This is caused
by the modulation of the mass accretion rate due to convective
plumes and downflows hitting onto the PNS surface (see also
Lund et al. 2012 and Tamborra et al. 2013 about the detectability
of these neutrino signals). It is interesting to note that such a
fast variability is less pronounced in our 3D model (red lines
in the bottom panel). This is qualitatively consistent with Lund
et al. (2012) who analyzed the neutrino signals from 2D and 3D
models, in which an approximate neutrino transport was solved
(Wongwathanarat et al. 2010) as in Scheck et al. (2006).

Figure 4 shows the evolution of the average PNS radius
for the 1D (blue line), 2D (green line), and 3D models (red
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line) that are defined by a fiducial density of 1011 g cm−3. The
PNS contraction is similar among the 1D, 2D, and 3D models.
Although the PNS contraction potentially affects the evolution
of the shock (Hanke et al. 2013; Suwa et al. 2013), in our cases,
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it is unchanged by the difference of the dimension and is not the
main agent to explain the divergence of the shock evolution in
1D, 2D, and 3D. The PNS contraction is slightly stronger in the
later postbounce phase in 1D (!150 ms postbounce, compare
blue with green and red lines) compared to 2D and 3D because
no shock revival was obtained in the 1D model, and heavier
PNS and slightly deeper gravitational potential are obtained
compared to that of the multi-D models. In the figure, three more
lines (solid, dashed, dotted gray lines) are plotted, in which we
estimate the evolution of the PNS radius based on the fitting
formula (Equation (1) of Scheck et al. 2006) by changing a final
radius of PNS Rf for a given set of an exponential timescale
of tib = 1 s and an initial radius of PNS Ri = 85 km. As can
be seen, the dashed gray line (Rf = 12 km) can most closely
reproduce our results, which is just between the slow and fast
contraction investigated in the work by Hanke et al. (2013).

The top panel of Figure 5 shows angle-averaged entropy
profile at 100 ms postbounce, after the difference of the
subsequent shock evolution between our 1D, 2D, and 3D models
becomes remarkable (e.g., right panel in Figure 2). As has
been studied in detail since the 1990s (e.g., Herant et al. 1994;
Burrows et al. 1995; Janka & Müller 1996), buoyancy-driven
convection supported by turbulence (e.g., Murphy et al. 2013)
transports heat radially outward, leading to a more extended
entropy profile in the 2D (green line in the panel) and 3D (red
line) model compared to the 1D model (blue line; see also Hanke
et al. 2012).
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Figure 2. Upper panel: mean, minimum, and maximum shock radii vs. tpb for
all simulations. Lower panel: mean shock radii for all simulations and their 1D
equivalents.
(A color version of this figure is available in the online journal.)

in the animated version of Figure 1), causing, for example,
the gain region to swell along the poles and contract in the
equatorial regions (Figure 1; 150 ms panel). This distortion
mode increases τadv/τheat in the expanded regions and decreases
it in the contracted regions creating outflow plumes and inflow
funnels in the former and latter regions, respectively. Thus,
while the shocks of the 1D models slowly contract after
tpb ∼ 100 ms, the average shock radii of the 2D models continue
to slowly increase. The expansion accelerates after tpb ∼ 200 ms
(Figure 2).

Going from B12-WH07 to B25-WH07, Q̇νe
increases ∼2–2.5

fold, Eth increases ∼1.5 fold, and τadv decreases ∼1.5 fold, con-
sequently τadv/τheat ! 1 at about the same tpb for all four mod-
els. On the other hand, the decrease in τadv noticeably delays
the onset of neutrino-driven convection in the more massive
models—from tpb ∼ 60 ms (B12-WH07) to tpb ∼ 100 ms (B25-
WH07). Consequently, it appears that neutrino-driven convec-
tion precedes the SASI in B12-WH07 but follows it in the
B25-WH07, the SASI having time to saturate in the latter
model before the onset of convection (cf. Müller et al. 2012a).
B15-WH07 and B20-WH07 are intermediate cases and prece-
dence of convection or the SASI is not clear.

A Legendre decomposition of the shock deformation (com-
puted per Blondin & Mezzacappa 2006) indicates that the
growth of the SASI is dominated by the l = 2 (quadrupolar)
mode in B12-WH07 and B15-WH07, while the l = 1 (dipolar)
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Figure 3. Upper panel: analytic shock using Equation (1) of Janka (2012; solid
lines, dimensionless) for all simulations; and PNS radii (ρ = 1011 g cm−3
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(double-dot-dashed, 0.1 M$), and ν-sphere temperature (dashed, MeV) for the
extreme cases, B12-WH07 and B25-WH07. Lower panel: luminosity (solid
lines, B s−1) and comoving-frame rms energies (dashed, MeV) for all species
of neutrinos, and mass accretion rate onto the PNS (dot-dashed, M$ s−1) for
B12-WH07.
(A color version of this figure is available in the online journal.)

mode is dominant in B20-WH07 and B25-WH07. The subse-
quent rise in the amplitude of shock deformation as the shock
begins to accelerate outward is always dominated by the l = 1
mode. The shock deformation oscillates, with a period increas-
ing with the progenitor mass, from 18 ms for B12-WH07 to
30 ms for B25-WH07, though period variations are seen in
each model.

The neutrino luminosities Lν and rms energies 〈Eν〉rms for all
models follow a similar pattern to that of B12-WH07 (Figure 3;
lower panel). Following the νe-break-out burst, the luminosities
of all neutrino species peak between 100 and 200 ms. The νe-,
ν̄e-luminosities, which arise both from the core and from the
energy released by accreting matter, exhibit a more pronounced
peak during the peak of the mass accretion rate than Lνµτ

and
Lν̄µτ

, which arise more exclusively from the core. After 200 ms
there is a rapid falloff in Lνe

and Lν̄e
as the shock begins to

accelerate outward and the mass accretion rate declines. 〈Eν〉rms
follows the usual hierarchy, with energy increasing from νe to ν̄e

to νµτ to ν̄µτ , the latter three becoming separated by only a few
MeV after several hundred ms. The split between 〈Eνµτ

〉rms and
〈Eν̄µτ

〉rms is due to weak magnetism, which increases (decreases)
the opacities of νµτ (ν̄µτ ). Weak magnetism also causes the
ν̄e-luminosity to exceed the νe-luminosity at times after bounce
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in the animated version of Figure 1), causing, for example,
the gain region to swell along the poles and contract in the
equatorial regions (Figure 1; 150 ms panel). This distortion
mode increases τadv/τheat in the expanded regions and decreases
it in the contracted regions creating outflow plumes and inflow
funnels in the former and latter regions, respectively. Thus,
while the shocks of the 1D models slowly contract after
tpb ∼ 100 ms, the average shock radii of the 2D models continue
to slowly increase. The expansion accelerates after tpb ∼ 200 ms
(Figure 2).

Going from B12-WH07 to B25-WH07, Q̇νe
increases ∼2–2.5

fold, Eth increases ∼1.5 fold, and τadv decreases ∼1.5 fold, con-
sequently τadv/τheat ! 1 at about the same tpb for all four mod-
els. On the other hand, the decrease in τadv noticeably delays
the onset of neutrino-driven convection in the more massive
models—from tpb ∼ 60 ms (B12-WH07) to tpb ∼ 100 ms (B25-
WH07). Consequently, it appears that neutrino-driven convec-
tion precedes the SASI in B12-WH07 but follows it in the
B25-WH07, the SASI having time to saturate in the latter
model before the onset of convection (cf. Müller et al. 2012a).
B15-WH07 and B20-WH07 are intermediate cases and prece-
dence of convection or the SASI is not clear.

A Legendre decomposition of the shock deformation (com-
puted per Blondin & Mezzacappa 2006) indicates that the
growth of the SASI is dominated by the l = 2 (quadrupolar)
mode in B12-WH07 and B15-WH07, while the l = 1 (dipolar)
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of neutrinos, and mass accretion rate onto the PNS (dot-dashed, M$ s−1) for
B12-WH07.
(A color version of this figure is available in the online journal.)

mode is dominant in B20-WH07 and B25-WH07. The subse-
quent rise in the amplitude of shock deformation as the shock
begins to accelerate outward is always dominated by the l = 1
mode. The shock deformation oscillates, with a period increas-
ing with the progenitor mass, from 18 ms for B12-WH07 to
30 ms for B25-WH07, though period variations are seen in
each model.

The neutrino luminosities Lν and rms energies 〈Eν〉rms for all
models follow a similar pattern to that of B12-WH07 (Figure 3;
lower panel). Following the νe-break-out burst, the luminosities
of all neutrino species peak between 100 and 200 ms. The νe-,
ν̄e-luminosities, which arise both from the core and from the
energy released by accreting matter, exhibit a more pronounced
peak during the peak of the mass accretion rate than Lνµτ

and
Lν̄µτ

, which arise more exclusively from the core. After 200 ms
there is a rapid falloff in Lνe

and Lν̄e
as the shock begins to

accelerate outward and the mass accretion rate declines. 〈Eν〉rms
follows the usual hierarchy, with energy increasing from νe to ν̄e

to νµτ to ν̄µτ , the latter three becoming separated by only a few
MeV after several hundred ms. The split between 〈Eνµτ

〉rms and
〈Eν̄µτ

〉rms is due to weak magnetism, which increases (decreases)
the opacities of νµτ (ν̄µτ ). Weak magnetism also causes the
ν̄e-luminosity to exceed the νe-luminosity at times after bounce

4

: 2D 
: GR correction 
: RbR+, MGFLD 
: LS91 (K=220MeV),  
  Cooperstein (1985), 14-alpha 
: 12,15,20,25 Mo (WH07)	

CHIMERA	

The Astrophysical Journal Letters, 767:L6 (7pp), 2013 April 10 Bruenn et al.

12 ms

-400 004002- 2000
0000300003- 0

Radial velocity [km s-1]

2 8 12.5 17 22 26 30

Entropy [kB
-1]

200

0

200

400

400
150 ms

-600 -400 -200 0 200 600400

400

200

0

200

400

200 ms

-6000 -4000 -2000 0 2000 4000 6000

4000

2000

0

2000

4000

600 ms

-9000 -6000 -3000 0 3000 6000 9000

6000

3000

0

3000

6000

800 ms

400 ms

-1500 0051005-0001- 10005000

0

500

1000

500

1000

300 ms

-150 150

12 ms

10050-100 -50 0

100

50

0
-300

90 ms

0-200 -100 100 200 300

200

100

0

-3000 -2000 -1000 0 1000 2000 3000

0

1000

2000

1000

2000

400 ms

Distance along symmetry axis [km]

D
is

ta
nc

e 
fr

om
 s

ym
m

et
ry

 a
xi

s 
[k

m
]

Figure 1. Evolution of the entropy (upper half) and radial velocity (lower half) for B12-WH07, with snapshots at tpb = 12, 90, 150, 200, 300, 400, 600, and 800 ms.
The scale grows in time to capture the expansion of the supernova shockwave, but the color maps remain constant. The radial velocity portion is omitted for the first
two snapshots.

(An animation of this figure is available in the online journal.)
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Figure 1. Evolution of the entropy (upper half) and radial velocity (lower half) for B12-WH07, with snapshots at tpb = 12, 90, 150, 200, 300, 400, 600, and 800 ms.
The scale grows in time to capture the expansion of the supernova shockwave, but the color maps remain constant. The radial velocity portion is omitted for the first
two snapshots.

(An animation of this figure is available in the online journal.)
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Figure 1. Evolution of the entropy (upper half) and radial velocity (lower half) for B12-WH07, with snapshots at tpb = 12, 90, 150, 200, 300, 400, 600, and 800 ms.
The scale grows in time to capture the expansion of the supernova shockwave, but the color maps remain constant. The radial velocity portion is omitted for the first
two snapshots.

(An animation of this figure is available in the online journal.)
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(A color version of this figure is available in the online journal.)

accretion and outflow phase to the wind phase. The B12-WH07
explosion energies at 850 ms are E+ = 0.38 B, E+

ov = 0.285 B,
and E+

ov,rec = 0.32 B and appear to be leveling off. These
energies are broadly consistent with observations for lower mass
progenitors (Smartt 2009).

4. DISCUSSION

We have presented results of ab initio axisymmetric CCSN
simulations with detailed spectral neutrino transport for a suite
of four non-rotating models spanning the mass range 12–25 M!,
through tpb = 500 ms for B15-WH07, B20-WH07, and B25-
WH07, and tpb = 850 ms for B12-WH07. At 500 ms, all
models show clear indications of developing neutrino-driven
explosions, aided initially by strong convective and SASI
activity, which imparts pronounced prolate shock deformations
in B12-WH07, B15-WH07, and B25-WH07, indicating that
large explosion asymmetries are probable (in agreement with
observation).

The development of explosions in these models, taking
208–236 ms for the mean shock to reach 500 km, is much
slower than in older models—for example, the delayed model of
Wilson used by Woosley et al. (1994), for which t500 ∼ 150 ms,
or the 2D gray neutrino transport models of Herant et al.
(1994), for which t500 ∼ 75 ms. The explosion development
times of the Chimera models reported here are comparable
to those of the Garching group for their models that use
modern progenitors (t500 ∼ 250 ms for model G11 from Müller
et al. 2012b and t500 ∼ 230 ms for model s27 from Müller
et al. 2012a), but significantly shorter than for their models
that use older progenitors (t500 ∼ 600 ms for model G15 of
Müller et al. 2012b). This suggests a significant progenitor
dependence, which makes detailed comparisons difficult. The
most pronounced difference between our models and those of
the Garching group is the growth of the explosion energy. For
example, once the explosion develops, E+ for both their G15
and s27 models (Janka et al. 2012) grow at a rate of ∼0.5 B s−1,
a quarter of the rate in our model B15-WH07. The diagnostic

energy in the G11 model saturates at E+ ∼ 0.03, one-tenth of
the value of our model B12-WH07. Future simulations with
both groups using identical progenitors will help elucidate the
source of these differences.

Final conclusions regarding the viability of the neutrino-
driven CCSN mechanism must wait until different groups obtain
similar results from detailed ab initio simulations initiated from
the same progenitors and carried out in three dimension. Our
simulations thus far support the viability of the neutrino-driven
supernova mechanism for the lower progenitor masses and are
consistent with observations. These simulations are continuing,
and we will publish more complete analyses as they complete.
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Figure 7. Panel a: Diagnostic energy, E+ (dashed lines), E+
ov (dash-dotted

lines) including binding energy of the overburden on and off the grid, and
E+

ov,rec (solid lines) including estimated gain from nuclear recombination,
Erec, plotted versus time after bounce for all model using colors in Figure 1.
Panel b: Estimate of potentially recoverable nuclear recombination energy
Erec as described in the text.

in Figure 8, and the fractions of these progenitors mapped to
the grids at the initiation of our simulations are indicated by
the region interior to the tick marks. The off-grid overburden
binding energies for the progenitors used in our simulations
(vertical ticks in Figure 8) are -0.029, -0.100, -0.337, and -
0.655 B, respectively, for the 12, 15, 20, and 25M! progen-
itors. These binding energies do not change appreciably dur-
ing the course of our simulations. The overburden energy that
we consider is the total energy of all negative energy zones
on the grid that lie above the innermost positive energy zones
plus the total energy of the off-grid material. The overburden-
corrected diagnostic energy,E+

ov ≡ E++ overburden energy,
is plotted in Figure 7a (dash-dotted lines) and given at the
time of this report in Table 2. It is delayed in growth rel-
ative to E+, and reaches positivity at about 350, 380, 530,
and 650 ms after bounce, respectively, for B12-WH07, B15-
WH07, B20-WH07, and B25-WH07.
Our final estimate of the explosion energy,E+

ov,rec, adds the
potential recombination energy, Erec, that would be released
from neutron–proton and 4He recombination to heavier iso-
topes up to 56Ni in the unbound region, that is, E+

ov,rec ≡
E+

ov + Erec (solid lines in Figure 7a and Table 2). At the
termination of our simulations E+

ov,rec is 0.31, 0.88, 0.38,
and 0.70 B, respectively, for B12-WH07, B15-WH07, B20-
WH07, and B25-WH07. A full computation of the contribu-
tion of recombination energy to the explosion energy would
require the resources of a sophisticated nuclear network to fol-
low the details of α-rich freeze-out. We estimate the avail-
able recombination energy as a function of time by assum-
ing that all unbound material or overburden with a density
ρ > 109 g cm−3 and a temperature T > 3 × 109 K will ex-
perience an NSE freeze-out in which all neutron-proton pairs
combine to α-particles, and all α-particles combine to form
56Ni. In all other cases, an α-rich freeze-out occurs in which

Figure 8. Binding energy of the Woosley & Heger (2007) progenitors as a
function of radius (a) and enclosed mass (b) immediately prior to collapse in
the colors corresponding to the simulations depicted in Figure 1. Tick marks
denote the edge of the computational grid for our simulations.

neutron–proton pairs combine to α-particles, but the buildup
of α-particles to 56Ni does not occur. This is a crude pre-
scription, but sufficient for the small amount of energy ulti-
mately involved, so a more sophisticated approximation of the
freeze-out details is not warranted to estimate the impact on
explosion energy. The recombination energyErec is plotted in
Figure 7b. As is evident from these figures, during the epoch
whenE+

ov,rec is still negative,Erec can build up to between 0.1
and 0.3 B, depending on the model, as some of the unbound
material has densities exceeding 109 g cm−3 and tempera-
tures such that it is expected to undergo an NSE freeze out.
A few hundred milliseconds later this material has expanded
and cooled, and CHIMERA has affected the NSE freeze-out,
first through the equilibrium shift of lighter to heavier nu-
clei, and then through the included α-network when condi-
tions no longer support NSE. Simultaneously, the shock has
moved into lower density material while the proto-NS radius
and gain surface have retreated inward so that little new ma-
terial with ρ > 109 g cm−3 becomes unbound. Therefore,
relatively little material remains with the potential to release
recombination energy by building 56Ni from lighter nuclei.
We expect that when the neutrino mechanism has completed
its work, whenE+ becomes constant,E+ andE+

ov will bound
the eventual observable explosion energy. We discuss more
sophisticated analyses of energy evolution in Sections 3.3.3
and 3.3.4.
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Figure 13. Outcome of core collapse as a function of ZAMS mass of single nonrotating massive stars, assuming that for moderately stiff nuclear EOS (e.g., LS180/
LS220), neutrino-driven explosions can be launched up to a bounce compactness ξ2.5 ! 0.45 (cf. Section 4.5). Other potential explosion mechanisms are neglected. We
consider only explosion and BH formation without explosion as outcomes and neglect other scenarios, including post-explosion BH formation via fallback accretion
(Zhang et al. 2008; Dessart et al. 2010), cooling or nuclear phase transitions. Shown are results for a range of model sets and metallicities (see Section 3). Very low
metallicity stars with ZAMS masses above ∼30 M" robustly form a BH without explosion. At higher metallicity, uncertainties in the physics of mass loss (e.g., Smith
et al. 2010) make robust predictions difficult. This is reflected in the rather dramatic disagreement of the four solar-metallicity progenitor model sets that we include.
The “BH fractions” stated at the right edge of the plot denote the fraction of massive stars with M " 8 M" that form BHs. They are obtained by convolution with a
Salpeter IMF under the assumption that stars with 8 M" ! M ! 14 M" explode robustly.
(A color version of this figure is available in the online journal.)

(IMF; α = 2.35, Mmin = 8.0 M", and Mmax = 150.0 M") we
estimate that ∼15% of all progenitors form BHs without explo-
sion. At (around) solar metallicity, the precise way of prescrib-
ing mass loss in stellar evolution has tremendous consequences
on the mapping between ZAMS mass and core collapse out-
come. Depending on the particular mass-loss prescription, we
predict a BH fraction of 0%–7% for solar-metallicity stars. This
makes mass loss the single most important unknown parameter
in connecting ZAMS conditions to core collapse outcome (in
agreement with Smith et al. 2010).

Rapid rotation, which may be present in a significant subset
of massive stars, generally increases the maximum PNS mass
by centrifugal support and delays BH formation. Assuming
(quite likely) uniform rotation of the PNS core, the increase
in maximum PNS mass due to centrifugal support in the
range of rotation rates explored is ∼5%–10%. In the basic
neutrino mechanism, rotation leads to a lower sum of νe and
ν̄e luminosities and lower mean energies for all neutrino types.
This is detrimental for explosion in 1.5D (and perhaps even
in 2.5D) despite centrifugal support (Fryer & Heger 2000; Ott
et al. 2008). A larger fraction of massive stars may form BHs
with (moderate) rotation than without. Left out of this picture are
potential magnetohydrodynamics contributions to the explosion
mechanism and energetics (cf. Burrows et al. 2007b).

Of particular interest to both formal relativity theory and
astrophysics is the range of potential birth spins of BHs.
Our results quite strikingly suggest that the rotation rate of
the maximum-mass PNS and, hence, the spin of the nascent
BH, will be limited to values of a$ below !0.9 by likely
nonaxisymmetric dynamics. If true and confirmed by multi-
dimensional simulations, 3D rotational instabilities may be a
cosmic censor preventing naked singularities from forming in
stellar collapse.

Rotation and the associated angular momentum are key
ingredients in the collapsar scenario for GRBs (Woosley 1993).
As part of this study, we have performed the first BH formation

study with the m35OC GRB progenitor of Woosley & Heger
(2006). Using the LS220 EOS, we predict an initial BH mass
of ∼2.29 M" and a$ of ∼0.58. Assuming that the GRB engine
cannot operate until a Keplerian disk has formed, there will be a
delay of ∼10 s between BH formation and GRB engine ignition
at a BH mass of ∼8 M" and a$ ∼ 0.75.

Finally, we re-emphasize that the goal of this study was not
to yield accurate predictions about the outcome of core collapse
in any individual progenitor. Rather, we have studied and
established overall trends with progenitor parameters. We have
made simplifications and approximations, and have omitted a
broad range of potentially relevant physics. The most important
of the latter may well be multi-dimensional dynamics and their
effect on the CCSN explosion mechanism and on the associated
failure rate of CCSNe.

Future work may be directed toward studying the systemat-
ics of BH formation in the post-explosion phase via fallback
accretion, PNS cooling, or EOS phase transitions. Our current
neutrino treatment must be upgraded for more quantitatively
accurate simulations and neutrino signature predictions. Ulti-
mately, multi-dimensional GR simulations of successful and
failing CCSNe will be necessary to study the multi-dimensional
dynamics left out here and for making truly robust predictions
of the outcome of stellar collapse for any given set of initial
conditions.

We acknowledge helpful discussions with and input from A.
Burrows, P. Cerdá-Durán, L. Dessart, M. Duez, T. Fischer, J.
Kaplan, J. Lattimer, C. Meakin, J. Murphy, F. Peng, S. Phin-
ney, C. Reisswig, S. Scheidegger, N. Smith, E. Schnetter, K.
Thorne, and S. Teukolsky. We thank S. Woosley and A. Heger
for their recent presupernova models and A. Chieffi and M.
Limongi for making available both of their presupernova model
sets. The computations were performed at Caltech’s Center for
Advanced Computing Research on the cluster “Zwicky” funded
through NSF grant no. PHY-0960291 and the Sherman Fairchild
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Figure 3. Neutrino luminosities (top panels) and average energies (bottom panels) plotted as a function of postbounce time for all 32 models of Woosley & Heger
(2007). The top set of panels shows results obtained with the LS220 EOS. The bottom panel shows the same for the HShen EOS, but includes, for reference, two
LS220 models: s12WH07 and s40WH07. The left, center, and right panels show results for νe , ν̄e , and νx , respectively. The curves are color- and line-weight-coded
with increasing compactness (ξ1.75), the mapping from color to compactness parameter is shown on the right. There is a clear trend in all luminosities and average
energies with compactness parameter. The progenitor with the highest compactness, s40WH07, forms a black hole at 503 ms after bounce. None of these models
explode, but the onset of an explosion in any of these models may lead to a sudden deep drop (strongest for νe and ν̄e) in the luminosities and average energies (Fischer
et al. 2010), although this is likely suppressed by multidimensional effects. The smaller drop observed for most models here is due to the sudden decrease of the
accretion rate when the silicon–oxygen interface reaches the stalled shock.
(A color version of this figure is available in the online journal.)
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Figure 5. Explosion and remnant properties resulting from our parameterized 1D neutrino-driven SN simulations: explosion energy (top left), time of the onset of the
explosion (top right), baryonic mass of the compact remnant (middle left), total release of gravitational binding energy by the compact remnant in neutrinos (middle
right), and ejected 56Ni mass (bottom left) as functions of stellar birth (ZAMS) mass. The bottom right panel shows the compact remnant mass vs. the enclosed mass
at the base of the oxygen-burning shell of the progenitor, where the stars possess an entropy jump of varying size. The green histogram bar indicates the 19.8 M!
calibration model (see the text). While vertical ticks in some panels mark masses where computed models did not explode, gray histogram bars reaching to the upper
panel edge and arrows in the bottom right panel signal the formation of a BH containing the whole mass of the progenitor at collapse. The only exception here is the
37 M! star, where the explosion expulses ∼3.2 M! while 4.5 M! of fallback give birth to a BH with 6.5 M!. Blue histogram segments indicate fallback masses, and
orange segments the uncertainties of the 56Ni ejecta masses. The latter uncertainties are associated with inaccuracies in the Ye determination of the neutrino-heated
ejecta because of our approximative treatment of neutrino transport.
(A color version of this figure is available in the online journal.)

explosion with the Prometheus version described in Section 2.
The mapping, excision of the NS core, and approximate neutrino
treatment do not cause any worrisome transients.

3.1. Explosion Properties

Explosions can develop in the case of a favorable interplay
of mass-accretion rate and neutrino luminosities (e.g., Burrows
& Goshy 1993; Janka 2001; Fernández 2012). In all successful
cases compared to failed explosions of neighboring progenitors,
the mass-accretion rate either is lower during a long postbounce
period or decreases rapidly when a composition–shell interface
arrives at the shock. Shock revival occurs when the neutrino
luminosity is still sufficiently high (and thus neutrino heating
strong enough) at this time. In a large number of successful
and unsuccessful models the decreasing mass-accretion rate
triggers shock oscillations, which indicate the proximity to
runaway conditions (Buras et al. 2006b; Murphy & Burrows
2008; Fernández 2012) and whose amplification also leads to
large-amplitude pulses of the accretion component of the driving
neutrino luminosity (see Buras et al. 2006b). In some stars the
explosion is fostered by the Si/O interface reaching the shock
relatively soon after bounce, either due to its location at a smaller

mass coordinate or because of higher mass-accretion rates at
earlier times, corresponding to a more compact Si-layer. In this
case the high accretion luminosity seems to be supportive. (More
information on the time evolution, dynamics, and the neutrino
emission of our models will be provided in a separate paper.)
In summary, the destiny of a collapsing star does not hinge on
a single parameter but depends on the overall structure of the
stellar core.

Figure 5 gives an overview of the results of our whole
model set. All displayed quantities exhibit considerable scatter
even in narrow mass windows, which is a consequence of the
nonmonotonicities of the progenitor structure. Failed explosions
with BH formation seem to be possible for progenitors below
20 M!, and successful SNe with NS formation are also found
between 20 and 40 M!. While below 15 M! all core collapses
produce NSs, the investigated progenitor set yields several
“islands” with preferred BH creation above 15 M!. A discussion
how BH formation cases correlate or do not correlate with the
density structure and characteristic quantities of the progenitor
cores can be found in Section 2.2.

The energies of the neutrino-driven explosions do not exceed
2 × 1051 erg, and 56Ni production up to 0.1–0.15 M! can
be expected. Note that our determination of nickel yields is
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the reaction rate for 52Fe(α,γ )56Ni within grid cells whose
electron fraction Ye is below 0.49. This allows us to keep track of
element formation in regions with neutron excess. The network
is solved in grid cells whose temperature is between 108 K and
7×109 K. We assume that at T > 7×109 K all nuclei are photo-
disintegrated to α-particles. Such a composition is consistent
with the NSE yields that are produced by our network solver in
the high-temperature limit because the burning network contains
α-particles as the only representatives of light nuclear species.
A feedback from the network composition to the EOS and thus
to the hydrodynamic evolution is neglected.

2.1. Proto-neutron Star Core Model

The cooling of the PNS core is described by an analytic model
that couples the excised core region to the surrounding accretion
layer, whose evolution is followed on the computational grid.
We assume the dense PNS core with mass Mc and radius Rc
to be approximately homogeneous and its EOS to be an ideal
Γ law, P = (Γ − 1)e (with P being the pressure, e the internal
energy density). Combining the total core energy, Ec = Eg +Ei,
and the virial theorem, Eg + 3(Γ − 1)Ei + S = 0, we can replace
the integrated internal energy, Ei, and express Ec in terms of the
Newtonian gravitational energy, Eg = −2/5GM2

c /Rc, and the
surface term, S = −4πR3

c Ps, for pressure Ps at Rc:

Ec = 3Γ − 4
3(Γ − 1)

Eg − S

3(Γ − 1)
. (1)

The energetic evolution of the core is given by its loss of neutrino
energy and compression work done on its surface as

Ėc ≡ dEc

dt
= −Lν,c − 4πPsR

2
c Ṙc , (2)

where Ėc can be computed as time derivative of Equation (1),
Lν,c is the total neutrino luminosity, and the second term
results from the time derivative of the core volume. Instead
of setting Ps equal to the boundary pressure on the hydro
grid, we prefer to link it to overall properties of the accretion
layer. This prescription is intended to capture the nature of
the core–mantle coupling but not to constrain the freedom to
tune the parameters of the simple PNS-core model. We therefore
consider hydrostatic equilibrium in terms of the mass coordinate
m(r), dP/dm = −GM/(4πr4), and linearize both sides to
obtain

Ps = ζ
GMcmacc

4πR4
c

, (3)

where macc is the mass of the accretion layer that surrounds
the PNS core, ζ > 0 is a numerical factor of order unity,
and we assumed P0 $ Ps for the pressure P0 outside of the
accretion layer. Moreover, in performing the time derivative of
Equation (1) we assumed Mc and Γ to be constant. Combining
Equations (1)–(3), we arrive at

Lν,c = 3Γ − 4
3(Γ − 1)

(Eg + S)
Ṙc

Rc
− ζ

3(Γ − 1)
δEacc

δt
, (4)

with S = −ζ GMcmacc/Rc and δEacc/δt ≡ GMcṁacc/Rc.
While the first term on the right-hand side of Equation (4)
describes the luminosity increase due to the deepening of
the gravity potential and surface work in the case of PNS
compression, the second term accounts for the higher core

Figure 1. Timescale of 90% of the neutrino-energy loss of the forming compact
remnant as a function of the progenitor ZAMS mass. Red histogram bars indicate
successful explosions, gray ones correspond to cases where BHs form without
an SN explosion, and the green bar marks the 19.8 M% progenitor used for the
calibration with SN 1987A observations (see the text). The BH formation cases
correspond to “cooling times” in excess of 6 s because the compact object in our
simulations remains radiating neutrinos even when its mass nominally exceeds
the BH formation limit. This implies that our modeling does not invoke any
assumption about the EOS-dependent mass limit for BH formation.
(A color version of this figure is available in the online journal.)

pressure (and internal energy) needed when the accretion layer
grows in mass.

Equation (4) is used to prescribe the boundary luminosities,
Lνi ,c ≡ 'νi

Lν,c, of neutrinos of all kinds with 'νe
= 0.20,

'ν̄e
= 0.15, 'νx

= 0.1625. (This choice corresponds to a certain
loss of lepton number from the PNS core (see Scheck et al.
2006) and ensures a reasonable evolution of Ye in the PNS
mantle and surface layers but does not have much relevance for
the dynamical evolution.)

In our simulations macc is taken to be the mass between the
inner grid boundary and a density of ρ0 = 1010 g cm−3 at radius
r0, where we define ṁacc = −4πr2

0 v0ρ0 (accretion means a
velocity v0 < 0 and ṁacc > 0). The core radius is assumed
to contract according to Rc(t) = Rc,f + (Rc,i − Rc,f)/(1 + t)n
with Rc,i = Ri

ib and Rc,f being the initial and final radius,
respectively, and t is measured in seconds. With Γ = 3, n = 3,
and ζ = 0.6 a choice of Rc,f = 6 km allows us to reproduce E87A
and MNi,87A of SN 1987A for progenitors in the 20 M% range.
For the simulations discussed below the 19.8 M% progenitor
serves for the calibration of the PNS-core model, but the overall
results are similar when neighboring stars or an SN 1987A blue
supergiant progenitor (Woosley et al. 1988) are used for the
calibration.

The chosen parameter values lead to typical PNS neutrino-
cooling times (t90 for 90% of the total neutrino-energy release)
of 3.5–5.5 s (Figure 1). This is shorter than the ∼10 s of emission
inferred from the SN 1987A neutrino events of Kamiokande II.
However, this detector reported a 7 s gap after eight events in the
first two seconds, and the last three events were very close to the
detection threshold (Hirata et al. 1987). It is interesting to note
that the neutrino signal in all three experiments (Kamiokande II,
Irvine–Michigan–Brookhaven, and Baksan) is compatible with
a PNS cooling period (exponential cooling timescale) of only
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is solved in grid cells whose temperature is between 108 K and
7×109 K. We assume that at T > 7×109 K all nuclei are photo-
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and the virial theorem, Eg + 3(Γ − 1)Ei + S = 0, we can replace
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c /Rc, and the
surface term, S = −4πR3

c Ps, for pressure Ps at Rc:
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3(Γ − 1)
. (1)
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dt
= −Lν,c − 4πPsR

2
c Ṙc , (2)

where Ėc can be computed as time derivative of Equation (1),
Lν,c is the total neutrino luminosity, and the second term
results from the time derivative of the core volume. Instead
of setting Ps equal to the boundary pressure on the hydro
grid, we prefer to link it to overall properties of the accretion
layer. This prescription is intended to capture the nature of
the core–mantle coupling but not to constrain the freedom to
tune the parameters of the simple PNS-core model. We therefore
consider hydrostatic equilibrium in terms of the mass coordinate
m(r), dP/dm = −GM/(4πr4), and linearize both sides to
obtain

Ps = ζ
GMcmacc

4πR4
c

, (3)

where macc is the mass of the accretion layer that surrounds
the PNS core, ζ > 0 is a numerical factor of order unity,
and we assumed P0 $ Ps for the pressure P0 outside of the
accretion layer. Moreover, in performing the time derivative of
Equation (1) we assumed Mc and Γ to be constant. Combining
Equations (1)–(3), we arrive at

Lν,c = 3Γ − 4
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(Eg + S)
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with S = −ζ GMcmacc/Rc and δEacc/δt ≡ GMcṁacc/Rc.
While the first term on the right-hand side of Equation (4)
describes the luminosity increase due to the deepening of
the gravity potential and surface work in the case of PNS
compression, the second term accounts for the higher core

Figure 1. Timescale of 90% of the neutrino-energy loss of the forming compact
remnant as a function of the progenitor ZAMS mass. Red histogram bars indicate
successful explosions, gray ones correspond to cases where BHs form without
an SN explosion, and the green bar marks the 19.8 M% progenitor used for the
calibration with SN 1987A observations (see the text). The BH formation cases
correspond to “cooling times” in excess of 6 s because the compact object in our
simulations remains radiating neutrinos even when its mass nominally exceeds
the BH formation limit. This implies that our modeling does not invoke any
assumption about the EOS-dependent mass limit for BH formation.
(A color version of this figure is available in the online journal.)

pressure (and internal energy) needed when the accretion layer
grows in mass.

Equation (4) is used to prescribe the boundary luminosities,
Lνi ,c ≡ 'νi

Lν,c, of neutrinos of all kinds with 'νe
= 0.20,

'ν̄e
= 0.15, 'νx

= 0.1625. (This choice corresponds to a certain
loss of lepton number from the PNS core (see Scheck et al.
2006) and ensures a reasonable evolution of Ye in the PNS
mantle and surface layers but does not have much relevance for
the dynamical evolution.)

In our simulations macc is taken to be the mass between the
inner grid boundary and a density of ρ0 = 1010 g cm−3 at radius
r0, where we define ṁacc = −4πr2

0 v0ρ0 (accretion means a
velocity v0 < 0 and ṁacc > 0). The core radius is assumed
to contract according to Rc(t) = Rc,f + (Rc,i − Rc,f)/(1 + t)n
with Rc,i = Ri

ib and Rc,f being the initial and final radius,
respectively, and t is measured in seconds. With Γ = 3, n = 3,
and ζ = 0.6 a choice of Rc,f = 6 km allows us to reproduce E87A
and MNi,87A of SN 1987A for progenitors in the 20 M% range.
For the simulations discussed below the 19.8 M% progenitor
serves for the calibration of the PNS-core model, but the overall
results are similar when neighboring stars or an SN 1987A blue
supergiant progenitor (Woosley et al. 1988) are used for the
calibration.

The chosen parameter values lead to typical PNS neutrino-
cooling times (t90 for 90% of the total neutrino-energy release)
of 3.5–5.5 s (Figure 1). This is shorter than the ∼10 s of emission
inferred from the SN 1987A neutrino events of Kamiokande II.
However, this detector reported a 7 s gap after eight events in the
first two seconds, and the last three events were very close to the
detection threshold (Hirata et al. 1987). It is interesting to note
that the neutrino signal in all three experiments (Kamiokande II,
Irvine–Michigan–Brookhaven, and Baksan) is compatible with
a PNS cooling period (exponential cooling timescale) of only
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太陽金属量の親星101モデルの1D爆発計算.
中心PNSを質点に置き換えることでfall-back
まで追いNS/BH質量・爆発エネルギー決定. 

中心は解かずに簡単なモデル化： 
 
内部境界(PNS)半径	

ニュートリノ光度	

Ugliano+ ’12	
Systematic CCSN study 
based on 1D simulation (2)	



Two extremes	

Mueller+’12,13,14; Takiwaki+’12,14; Bruenn+’13,14 
 - 空間2D/3D, ニュートリノ輸送解く. 
 - 空間スケール < ~ 10,000 km, 時間スケール < ~ 1sec. 
 - 親星モデル 数個 

 → 衝撃波は復活するのか？中心からのニュートリノ/重力波信号？	

O’Connor & Ott ’11,13; Ugliano+’12 
 - 空間1D, 爆発するようにニュートリノ光度（加熱率）を手で操作. 
 - 空間スケール > 10,000 km, 時間スケール > 1 sec. 
 - 親星モデル > 100個 

 → (爆発前提で) 親星依存性は？元素合成は？	

(Piston / Thermal bomb model)	

Nakamura, Takiwaki, Kuroda, & Kotake 
 - 空間2D, ニュートリノ輸送解く. 
 - 空間スケール < 5,000 km, 時間スケール < 1.5 sec. 
 - 親星モデル ~400個 
     → 超新星を特徴付ける物理量（Eexp, Lν, Eν, MPNS, MNi, ..）vs. 親星	



•  状態方程式 
–  Lattimer-Swesty (‘91) EoS  
        (K=220 MeV) 

•  親星 
–  101+247+30 = 378個 

 (Woosley, Heger, & Weaver ‘02)	


–  M=10.8 ~ 75.0 Mo 
–  Z = 0, 10-4, 1 × Zo 

 (s11.2 ← Z=Zo, M=11.2Mo)	

•  輻射流体コード 
–  Takiwaki+’12 
–  384(r)*128(θ) zones covering 
R=0-5000 km, θ=0-π	


–  IDSA spectral transport  
    (Liebendoerfer+’09) with 20 energy  
    bins covering 3-300 MeV 

重力崩壊型超新星を起こす親星の幅広い質量域を網羅する大規模数値

計算を実行し、超新星を特徴付ける様々な物理量の系統的研究を行う. 
 ・ 空間２次元→対流, SASI 
 ・ ニュートリノ輸送を解く→パラメータなしの self-consistent 計算 
  (cf. O’Connor & Ott’11,’13; Ugliano+’12)	

・  計算には国立天文台の Cray XC30 を使用	

Nakamura+’15	
Systematic CCSN study 
based on 2D self-consistent simulation!	



Entropy [kB/baryon]	

48 solar-Z models 
s11.2 (top-left) - s75 (bottom-right)	
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s20	 s21	s22	
Model s21 (M=21Mo) takes a longer 
time to revive its shock than s22.  
 
What determines the shock revival? 
 → mass accretion rate ! 
     （dotted lines）	

Compactness parameter  
(O’Connor & Ott 2011)	

– 2 –

non-isoenergetic scattering on ..

- gravity

- advection

The shock revival and its expansion are, if re-
alized, followed for 1.5 s or until the time when the
shock has reached at the outer boundary at 5,000 km.
During the long-time simulations of the SN dynamics,
we follow approximately the explosive nucleosynthe-
sis and the energy feedback into hydrodynamics as
described in Nakamura+’13 (XXREFXX) by soling
a 13 α-nuclei network including 4He,..,56Ni.

We adopt 100 progenitor stars (Woosley+)
(XXREFXX). The models are given in 0.2 M! steps
between 10.8 M! and 28.2 M! and further up to
40 M! in 1.0 M! steps. We also include a very mas-
sive progenitor with 75.0 M!. The structure of these
stars, such as density profiles and the pre-collapse
masses are described in Ugliano+’12 (XXREFXX). It
should be noted that mass loss during main-sequence
and red-giant phases make the M ≤ 33 M! progeni-
tors compact Wolf-Rayet stars with the radius ! 1011

cm.

3. RESULTS

We introduce a compactness parameter ξ which
is define as in Equation (10) of O’Connor & Ott

(XXREFXX) by the ration of mass M = 1.5 M!
and radius R(M) that encloses this mass:

ξ ≡ M/ M!
R(M)/1000km

, (1)

where we take M = 1.5 M! (ξ = ξ1.5) and estimate
ξ1.5 at the moment of core bounce (XXCHECKXX)
because it is the maximum mass all the models in-
volve within our simulation range. The compactness
parameter ξ1.5 is displayed in Figure 1 as a function
of the zero-age main-sequence masses.

Figure 2 displays a snapshot of entropy distribu-
tion at tpb = 400 ms for selected 48 models. Some
less massive models, for example s11.2 and s11.4 on
the top line, have already carried their shock fronts
close to the outer boundary. On the contrary, a shock
of s24.0 still stalls around 200 km and ...

Figure 3 presents time evolution of average shock
radii for 6 models with ZAMS masses between 19.2
and 24.0 M!. The shock radii of two models, s20.0
and s22.0, evolve quickly compared to the other mod-
els, which clearly reflects the fact that these two pro-
genitors are less compact in this mass range (Figure
1).

- the reason why small-xi models explode earlier.

- small xi = small accretion rate

- one more figure (time-Mdot and ¡Rsh¿ for a few
models) ?
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s19.0 - s24.0 models (3)  nu luminosity	
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Figure 1. Mass–radius relation of cold neutron stars for the EOS under
investigation. The gray and black horizontal lines show the measurement of
the mass of the pulsar PSR J1614-2230 with its 1σ error (Demorest et al. 2010).
(A color version of this figure is available in the online journal.)

non-uniform nuclear matter. FSUgold and LS (180) fail to ful-
fill the constraint of PSR J1614-2230. Despite this, we include
FSUgold in the present study, to explore the implications of
a very soft RMF EOS and because of its good description of
low-density nuclear matter. We also keep LS (180), because it
is a standard reference for core-collapse supernova simulations.
The stiff TM1 parameterization lies well above the maximum
mass constraint, whereas TMA and LS (220) are only slightly
above.

Steiner et al. (2010) used observational data of masses and
radii of seven neutron stars with well-determined distances in
a Bayesian framework to determine nuclear matter parameters
and the neutron star EOS. The found values for the saturation
properties of nuclear matter agree remarkably well with the
aforementioned experimental constraints. Furthermore, the au-
thors deduce a mass–radius relation that is based on the analysis
of the observational data and find relatively small neutron star
radii around 11 to 12 km for MG = 1.4 M!, indicating a soft be-
havior of the neutron star EOS around saturation density. Only
LS (180) is compatible with such small radii, and FSUgold and
LS (220) come close to it. The radii of TMA and TM1 seem to
be much too large.

We conclude that TMA has satisfying nuclear matter prop-
erties, apart from the too large value of the incompressibil-
ity. For TM1 the incompressibility is barely acceptable, but
the symmetry energy and its slope are too large. On the other
hand, these two EOS are not compatible with small neutron
star radii found by Steiner et al. (2010). FSUgold has very nice
nuclear matter properties and success in nuclear structure, but
unfortunately it gives a maximum mass that is too low. Also
LS (180) with an incompressibility of 180 MeV is actually
ruled out by the observation of PSR J1614-2230, and further-
more its incompressibility and symmetry energy are too low.
LS (220) gives satisfactory results. It would be good if other
new EOS tables became available in the future that better com-
ply with all the experimental and observational results. The
emphasis of the present study is a different one. We want to ex-
plore a broad range of possible EOS, including extreme cases,
to better understand the impact of the EOS in core-collapse
supernovae.

3. RESULTS: GENERAL FEATURES OF THE HS EOS

In the following subsections, we will compare the HS EOS
with the parameterization TM1 (HS (TM1)), introduced in
Section 2, with the standard EOS from Lattimer & Swesty
(1991) with an incompressibility of 180 MeV (LS (180)) as
well as H. Shen et al. (1998a; STOS (TM1)). Note that STOS
is also based on the TM1 parameterization. We examine the
collapse, bounce, and early post-bounce phases at the example
of the 15 M! progenitor model from Woosley & Weaver (1995).
In this section, we do not consider the LS (220) EOS or any
of the other RMF parameterizations of the HS EOS. Thus in
the following discussion sometimes we omit the specification
“(180)” for the “LS (180)” EOS. The same holds for the “HS
(TM1)” and “STOS (TM1)” EOS, where we sometimes use only
“HS” or “STOS” for simplicity.

3.1. Progenitor Stage

The differences between the EOS can already been identified
at the progenitor stage, illustrated via radial profiles in Figure 2
for the 15 M! progenitor of Woosley & Weaver (1995). We note
that we take the temperature, density, and electron fraction from
the progenitor as the initial configuration for the core-collapse
simulation, that is why these quantities are the same for all three
EOS. For the part of the contracting progenitor star that is shown
in Figure 2, the baryon density ranges from 1010 to 105 g cm−3

and the entropy per baryon from 0.5 to 5 kB, corresponding to
temperatures of 0.7–0.1 MeV. Matter at the center is already
slightly asymmetric, whereas the electron fraction ranges from
Ye ∼ 0.42 at the very center to 0.5 at the lowest densities shown
in the figure. Note that the electron lepton fraction YL = Yνe

+Ye,
with the net electron-flavor neutrino fraction Yνe

, is on top of
the electron fraction, as the abundance of electron neutrinos
(and all other neutrinos, too) is still negligible. One sees that
the composition is dominated by heavy nuclei; only at a region
around MB ∼ 1 M! do alpha particles contribute, with up to
10% to the mass fraction.

Next we compare the state of the progenitor described by
the three EOS in detail. We note that the HS EOS should
give the most accurate description of the progenitor stage, as
it includes shell effects and experimentally measured binding
energies. Medium modifications of the properties of nuclei are
negligible at such low densities and temperatures encountered
here. The fraction of light nuclei Xa with Z ! 5 in the HS EOS is
almost identical to the alpha-particle fraction of STOS, showing
that the additional light nuclei are negligible at the progenitor
stage. LS gives a reduction of the alpha-particle fraction of
almost one order of magnitude, which can be attributed to a
well known error in the alpha-particle binding energy in the LS
routines (Swesty & Myra 2005). In the reference simulations
that we show here, we did not correct for this error. Apart from
this difference, the dependence of the alpha-particle abundance
on density is very similar in the three EOS.

The fraction of unbound nucleons is much more model
dependent, due to the interplay between unbound nucleons and
the formation of heavy nuclei. Regarding heavy nuclei in the
inner layers, there is a clear tendency of STOS to give the largest
mass numbers, followed by LS and HS with the smallest heavy
nuclei. As expected from stellar nucleosynthesis, iron-group
nuclei are found in HS. In contrast, STOS gives nuclei around
Z ∼ 30. Compared with the composition of the progenitor
(not shown in Figure 2, because only limited information was
available), all EOS show some significant differences, because
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Figure 16. Selected quantities at the onset of collapse to a black hole of
the 40 M! progenitor model from Woosley & Weaver (1995), comparing the
different EOS under investigation.
(A color version of this figure is available in the online journal.)

EOS. The neutrino abundances are rather small and are also very
similar for the different EOS.

We come to the unsatisfying conclusion that neither the
incompressibility (comparing HS (TMA) and STOS (TM1))
nor the maximum masses of cold neutron stars can directly be
related to the time until black hole formation. Single saturation
properties are not sufficient to describe the behavior of the EOS
in the simulation, where the different EOS evolve to different
thermodynamic states. The maximum mass of cold neutron
stars is not very meaningful, because the found states are very
different from the cold configurations and because the strength
of the temperature effects is model dependent as we discuss in
the next paragraph.

The profiles at the beginning of black hole formation from the
simulations shown in Figure 16 can roughly be approximated
by a constant entropy per baryon of s = 4 kB and electrons in
beta-equilibrium, where the contribution of neutrinos is negli-
gible. We can compare the results from the simulations with hy-
drostatic configurations of the Tolman–Oppenheimer–Volkoff
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Figure 17. Time for the onset of collapse to a black hole for the 40 M!
progenitor of Woosley & Weaver (1995) with respect to different configurations
of maximum gravitational masses for the investigated EOS. “cold”: static cold
neutron stars at T = 0.1 MeV and beta-equilibrium without neutrinos. “s = 4”:
static proto-neutron stars at a constant entropy per baryon of s = 4kB and beta-
equilibrium without neutrinos. “sim”: the maximum gravitational masses found
in the simulations. The vertical line shows the mass measurement of pulsar
PSR J1614-2230 by Demorest et al. (2010).
(A color version of this figure is available in the online journal.)

equations by using these approximations. The corresponding
maximum masses are plotted in Figure 17 versus the time un-
til black hole formation, tBH, from Table 5, by red circles. If
one compares with the gravitational masses from the simula-
tions, which are depicted by blue squares, one sees that there is
a rough agreement between “s = 4” and “sim.” Furthermore,
the time until black hole formation is monotonically increasing
with Mmax(s = 4), similar as for Mmax(sim). This shows that
the above approximations (s = 4 kB , beta-equilibrium without
neutrinos) work sufficiently well to describe the states at the
beginning of black hole formation from the simulations. In con-
clusion, the significant increase of the maximum mass in the
simulation and the weak correlation between Mmax (cold) and
tBH is explained mainly as a temperature effect.

Very often for hydrostatic configurations of proto-neutron
stars, a constant entropy per baryon of s = 2kB and electron
lepton fraction YL = 0.4 is assumed. These conditions are
clearly different to the profiles shown in Figure 16 and are more
appropriate for proto-neutron stars of less massive progenitors.
We remark that such hydrostatic configurations with s = 2kB

and YL = 0.4 are indeed not suitable to explain the observed
behavior. Their maximum masses are 0.3–0.5 M! lower than
observed in the simulations, and do not show a monotonic
correlation with tBH. A large entropy of s = 4kB is the important
point for the explanation, whereas the neutrino fraction is less
significant.

It is interesting that the non-relativistic LS EOS show less
stiffening at finite entropy than the relativistic EOS. The differ-
ent temperature profiles discussed before also indicate a differ-
ent temperature dependency of the LS EOS. It is difficult to pin
down whether this is an artifact of the non-relativistic disper-
sion relation or just a result of the chosen parameterization of
the nuclear interactions. For example the temperature–entropy
relation depends on the effective nucleon mass m∗ that ap-
pears in the dispersion relation. In LS the effective mass is
set equal to the vacuum mass, m∗/m = 1, whereas m∗/m
goes down to 0.2 in the core of the proto-neutron stars for
the RMF models. The neglect of the effective mass reduction
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Compilation of CCSNe Simulations 
for 101 Solar-metallicity Progenitors	

Compact progenitor suffers from  
high mass accretion rate, 

①  

so that it takes longer time  
to revive a stalled shock(?) 

②  

.. and leaves a massive remnants 
at the center. 

③  
Accreted matter releases grav. energy 
which is carried away by neutrinos. 

④  

High neutrino luminosity results in 
an energetic explosion. 

⑤  

@t=t400	 @t=tfin.	



Metal-poor progenitors	

Z = Zo 
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   = 0	

l  Solar-metallicity stars     (s) : M_ZAMS = 10.8 - 40.0 Mo + 75.0 Mo (101 models) 
l  UMP (Zsun/10000) stars (u) : M_ZAMS = 11.0 - 60.0 Mo + 75.0 Mo (247 models)	
l  Zero-metallicity stars      (z) : M_ZAMS = 11.0 - 40.0 Mo                  (  30 models) 
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まとめ	

•  約400個の超新星親星モデルに対して、2D CCSN数値計算を実行 
–  中心のPNS進化とニュートリノ輸送を考慮 
–  幅広い質量、金属量 （将来的には回転と磁場も） 

•  親星の構造を特徴付ける “compactness parameter” 
–  O’Connor & Ott ’11  （ξ = M / R） 
–  CCSNのPNS質量,ニュートリノ光度,爆発エネルギー,ニッケル生成量と相関 

•  最終的な爆発エネルギーを得るには長時間/広範囲計算 
–  低温・低密度を含むEoSが必要 
 

•  CCSN as a multi-messenger 
–  EM/GW/neutrino signals 
–  GW/neutrino 信号には compactness による違い. 
–  EMを算出するには長時間計算が必要. 


